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Abstract
Faculty of Engineering and Technology

Astrophysics Research Institute

Doctor of Philosophy

The Impact of Star Cluster Environments on Planet Formation

by Rhana Bethany Nicholson

It is thought that most stars, including our Sun, form within clusters alongside
many other stars. Planet formation and star formation occur simultaneously, and
therefore the birth environment of stars will shape the formation of planets. Prop-
erties of the present day Solar System hint to a past in which the Sun formed in
the presence of many other stars. There is an intrinsic interest in knowing the
birthplace of the only known planetary system hosting life within the Universe
and whether conditions of the birth environment are common or atypical. Un-
derstanding the origin of the Solar System could provide important constraints
on star and planet formation.

Observations of the present day Solar System have revealed a conflict between
the need for a large cluster containing massive stars so that disc enrichment can
occur and to explain the orbits and enrichment levels of some objects within the
Solar System, and the need for a low-mass, quiescent cluster where dynamical
and radiative effects will not disrupt or disperse planet forming discs. Low-mass
clusters containing massive stars may present a solution to this problem. The
presence of massive stars within star-forming regions will affect planet form-
ing discs to varying degrees, depending on the initial conditions of the region.
How the initial conditions of star-forming regions change the relationship be-
tween massive stars and protoplanetary discs is unknown.

This thesis focuses on how the birth environment of stars can shape planet for-
mation. The processes behind star formation, planet formation, and the impacts
that star-forming regions can have on the formation of planets are reviewed. This
thesis reviews what is currently known about the birth environment of the Sun
based on evidence found within the Solar System and what this tells us.
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In this thesis, I show that low-mass star-forming regions containing one or two

massive stars are viable environments for creating enriched planet forming discs

that resemble the levels of enrichment found in the Solar System. These unusual

clusters enrich planet forming discs at a similar rate to more massive ( > 1000 M� )

clusters. Based on the percentage of stars enriched by Supernovae within low-

mass clusters, and the percentage of low-mass clusters containing massive stars

in comparison to more massive clusters, it is possible that a signi�cant number

of unperturbed, enriched stars have been produced within these star-forming en-

vironments. However, the UV radiation produced by massive stars within low-

mass clusters is still strong enough to cause protoplanetary discs to disperse on

short timescales, potentially inhibiting planet formation.

I �nd that the rate at which protoplanetary discs are dispersed depends on

the initial conditions of the cluster and the location of the massive stars. The

mass of the cluster, if massive stars are present, does not signi�cantly alter the

rate at which planet forming discs are dispersed. The initial density of the clus-

ter is the most important aspect to consider. The background UV �eld produced

by star-forming regions also varies depending on the initial spatial stellar pro-

�le. Planet forming discs within simulations that represent the initial conditions

of nearby star-forming regions show that planet forming discs are dispersed on

short (� 1-3 Myr) time-scales. This means on of three things; either the majority

of planets form in low-mass star-forming regions, giant planet formation must

occur on very short timescales, or the current calculations of mass-loss in discs

due to external photoevaporation severely overestimate the detrimental effects

of EUV and FUV radiation.

By calculating the UV background �eld in star-forming regions, I �nd that the

initial spatial distribution of stars greatly affects the amount of UV radiation that

stars receive. Delaying the effects of UV radiation by 0.5 Myr, to replicate the

effects of delaying massive star formation, still results in vastly different UV �eld

strengths. The types of stars that produce UV radiation are not limited to massive

(� 15 M� ) stars, and lower mass (3< M< 15 M� ) stars contribute large enough UV

�elds to potentially affect protoplanetary discs.

This thesis has shown that the environment in which protoplanetary discs are

born can dictate and strongly shape their evolution. The constraints on the birth

environment of the Solar System have been relaxed, and the importance of con-

sidering the initial conditions of the star-forming region have been highlighted.
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Chapter 1

Introduction

1.1 Motivation for study

Some of the foundational questions in astrophysics relate to our origins; from

the creation of the Universe, to our own life hosting planet. The question of the

origin of our Solar System and other planetary systems intricately links physical

processes that range in scale from atomic to galactic, and links other �elds, such

as biology, with planet and star formation. The impacts of star-forming environ-

ments on planets are vast; from sometimes making planet formation impossible,

to providing the necessary ingredients for life cycles on Earth. It also deeply links

the questions about our origins and the universality of life.

With the discovery of vast numbers of exoplanets, planet formation has be-

come regarded as a standard outcome of star formation. However, the diversity

of exoplanets suggests that their formation processes are anything but standard-

ised. As the majority of stars form in groups, the conditions that stars are sub-

jected to will also impact their forming planets. Studying the links between planet

formation and star forming regions can help us understand what conditions are

conducive (or hostile) to the creation of planets, and how common these condi-

tions are in the Universe.

One of the outstanding challenges in star and planet formation is to charac-

terise the type of star formation event which formed the Sun, and hence the birth

environment of the Solar System (e.g. Adams, 2010; Pfalzner et al., 2015; Portegies

Zwart, 2009). Understanding the environment and processes that formed and

shaped the Solar System will help us understand where to search for potential

life-hosting planetary systems. If our Solar System formed in unique conditions,

this paints a bleak view for the potential for other life in our galaxy. However,

if the Solar System formed in a 'typical' star forming region, then this could in-

dicate that our planetary system is not unique with regards to how it formed,
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and that the environment in which planets form needn't be a major factor when

considering the reason as to why we have yet to detect other life. To answer this

question, we need to understand how our planetary system was formed before

we can begin to understand how unique we are among the stars (Nicholson and

Forgan, 2013).

1.2 Planets

1.2.1 History of planetary observations

The study of planets is one of the oldest branches of astronomy, with observa-

tions of the Solar System dating back millenia. Most ancient cultures throughout

the world recognised the existence of at most seven celestial bodies, which were

called 'planets'; the Sun, the Moon, Mercury, Venus, Mars, Jupiter, and Saturn

(Pedersen and Jones, 2011).

The �rst observations of the Solar System were limited to the brightest planet,

Venus, and date back to the Sumerians, with records as early as 2000 BC (Evans,

1998). Recorded observations of Mars were �rst made by ancient Egyptian as-

tronomers, and Chinese records of the motion of Mars date to 1045 BC. Records

of Jupiter and Saturn are similarly found from civilisations across the globe dat-

ing back to these ancient times.

The study of celestial bodies in ancient Greece led to many discoveries, and

was a major phase in the �eld of astronomy. Anaxagoras explained the principles

behind eclipses, described the Sun as a large �ery mass, and hypothesised that

stars were other bodies like the Sun much further away (Curd, 2015). Aristarchus

of Samos was the �rst astronomer to propose the heliocentric model, placing the

Sun at the centre of the known Universe, with the planets orbiting the Sun. This

theory was forgotten for nearly 2000 years before Copernicus, Galileo and Kepler

later came to the same conclusion (Hannam, 2011). This new context resulted in

the Sun and Moon being removed from the category of 'planet', with the Earth

added to it. The Solar System became simultaneously simpler and more complex.

The advent of telescopes advanced our understanding of the Solar System fur-

ther. During the 1600s, Galileo discovered individual features of celestial bodies

such as Sun spots, Jupiter's moons, and the rings around Saturn. Uranus, hav-

ing previously been observed on many occasions (potentially as early as 128 BC,

Bourtembourg, 2013) but mistaken for a star, was classi�ed as a planet in 1781

owing to the advancement in the quality of telescopes (Herschel and Watson,
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1781). Neptune was discovered by Adams (1846), and Pluto in 1930 by Clyde

Tombaugh (Esclangon et al., 1930).

In 1801, a tiny object was discovered orbiting at the radii of a predicted planet,

and was named Ceres (Piazzi, 1801). More objects were discovered in this vicin-

ity, appearing indistinguishable from stars at the time, gaining them the greek

name asteroeides, meaning “star-like”. By the 1850s, this region was known as the

asteroid belt. After the discovery of Pluto in 1930, many astronomers suspected

that Pluto was not alone and hypothesised that a secondary 'asteroid' belt existed

within the Solar System, which later became known as the Kuiper belt. In 1992,

the �rst Kuiper belt object (KBO) since Pluto and Charon was discovered (Jewitt

and Luu, 1993), named Albion. Since the discovery of Albion, more than one

thousand KBOs have been discovered.

Leuschner (1907) suggested that comets, then considered to have parabolic

orbits that made single visits into the Solar System, were in fact objects with very

large, elliptical orbits and would therefore return in time. Opik (1932) �rst consid-

ered the idea that there was a reservoir of these objects within a cloud at the outer

edges of the Solar System, which was later taken up by Jan Oort (Oort, 1950).

This theoretical region, thought to comprise of a disc and spherical cloud, is chal-

lenging current observational limits due to the small and non-re�ective nature of

comets, and the great distances involved.

Within our Solar System, discoveries are still being made to this day that

change our understanding of the Solar System and how it was formed. Sedna

and Eris, with their unusually large and eccentric orbits, are some of the latest

such discoveries. 2012 VP113, also known as Biden, is another trans-Neptunian

object that was discovered in 2014 and has the longest known perihelion in the

Solar System. 2018 VG18 is the most distant natural object observed within the

Solar System at the time of writing ( � 100 AU).

The peculiarity of Sedna's orbit, along with its similarity to other extreme

trans-Neptunian objects such as 2012 VP113, has led to the implication that there

is an undiscovered object in the outer Solar System shepherding objects into these

orbits. The gravitational potential necessary means that Planet 9, as this object is

known, is predicted to have a mass � 10 M� , a diameter two to four times that

of Earth, and an elongated orbital period lasting 10,000-20,000 years (Brown and

Batygin, 2016). Such a large planet at such great distances opens many questions

as to the origin and formation of this potential planet.

From these observations throughout history, a picture of the Solar System and

its various inhabitants has been built.
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FIGURE 1.1: The Solar System with all the terrestrial, giant and a
few major dwarf planets. Sizes of planets and Sun, and distances to

the Sun are not to scale. From NASA.

1.2.2 The Solar System

Our Sun lies at the centre of the Solar System. It is a G-type main sequence star

and is � 4.6 billion years old. It is a Population I star, meaning it is rich in heavy

elements (Asplund et al., 2009). These heavy elements likely came from a massive

star born in the vicinity of the region where the Sun formed, which exploded as

a supernova after a few Myr, enriching the surrounding material, from which the

Sun then formed.

Closest to the Sun are the terrestrial planets; Mercury, Venus, Earth, and Mars.

These planets are all comprised primarily of rock, with solid surfaces and central

metallic cores that are surrounded by silicate mantles (Anderson and Kovach,

1967; Baraffe et al., 2014). Other bodies within the Solar System also have this

internal structure, such as the Moon, Io, and Titan, although their metallic cores

are much smaller than their planetary counterparts (Ross et al., 1990; Tobie et al.,
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2005; Lucey, 2006; Wieczorek, 2006).

These terrestrial planets vary greatly with regards to mass, surface conditions,

and atmospheric compositions. Mercury, the smallest planet in the Solar System,

has a thin atmosphere, resulting in the surface of the planet being subjected to

temperatures varying from blistering ( � 700 K) to freezing (100 K). The surface is

covered in deep craters, as well as some ice (within shaded regions) and evidence

of organics has been discovered (Delitsky et al., 2017). Venus, a planet approx-

imately the same size as Earth, has a surface that is marked by volcanoes, lava

and canyons (Phillips et al., 1992). Earth, the planet we inhabit, is covered mostly

in water, has solid land, and ice covering its polar regions. It is also currently the

only known astronomical body to harbour life. Mars, which is approximately a

third of the mass of Earth, has a cratered and mountainous surface, polar ice caps,

and evidence of organics (Freissinet et al., 2015).

After the terrestrial planets is the asteroid belt, a circumstellar disc populated

by numerous asteroids and objects large enough to be considered minor planets

(such as Ceres). The objects within the asteroid belt are the remnants of planet

formation and formed from the primordial solar nebula. They have not under-

gone the constant melting and resurfacing that the Earth has, and so they still

re�ect the composition of the solar nebula at the time that planet formation was

occurring.

The giant planets lie past the asteroid belt; Jupiter, Saturn, Uranus, and Nep-

tune. These planets can be separated into the two categories of gas giants and ice

giants. Jupiter and Saturn are classi�ed as gas giants and are primarily composed

of hydrogen and helium (Niemann et al., 1998; Atreya et al., 1999). Gas giant is

somewhat of a misnomer however, as due to the pressure within the atmospheric

layers of these planets, there is no distinction between gaseous and liquid mate-

rial as it is all above the critical point where they can coexist. It is thought that the

gas giants have a molten, rocky core (Fortney and Nettelmann, 2010). The core

is surrounded by a thick atmosphere that is separated into layers. Uranus and

Neptune are ice giants. Ice giant planets are mainly composed of elements heav-

ier than hydrogen and helium that were incorporated as solids either directly or

in ice during planet formation (Ali-Dib et al., 2014). Little of the water in the plan-

ets is now ice, and instead it exists as a super critical �uid due to the pressure and

temperature within the planet. Uranus and Neptune have similar compositions

to Jupiter and Saturn, but deep within their atmospheres they are signi�cantly

more enriched in ice grains. Their interiors are composed of mostly ice and rock

(Hubbard and Macfarlane, 1980).
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The Kuiper belt is a circumstellar disc that resides outside the major planets.

It extends from � 30 AU, approximately the orbit of Neptune, to 50 AU from

the Sun. It is similar in composition to the asteroid belt, however is more than 20

times wider and contains a great deal more mass (Gomes, 2009; Pitjeva and Pitjev,

2018). Within the Kuiper belt there are 100–10000 of objects that are thought to

be primarily composed of frozen volatiles and some rock (Brown, 2012). Some of

the objects within this region are thought to have been scattered by the gas giants

during formation and are continuously perturbed by Neptune.

Due to the distance from the Sun and planets, KBOs are thought to have re-

mained relatively unaffected by processes that have affected other Solar System

bodies. Therefore the composition of KBOs is likely to provide vital information

about the conditions and makeup of the earliest stages of planet formation within

the Solar System (Luu and Jewitt, 2002). Three of�cially recognised dwarf planets

inhabit this region (Pluto, Haumea and Makemake), and are primarily made of

rock and ice (Schaller, 2010; Stern et al., 2015; Grundy et al., 2016).

At the very edge of the Solar System lies the theoretical Oort cloud. The Oort

cloud is thought to exist at a distance of 1, 000 � 200, 000 AU and be comprised of

icy objects (Hills, 1981; Weissman, 1996; Dones et al., 2004). Due to the distance

of the Oort cloud from the Sun, it is only loosely gravitationally bound to the So-

lar System, and so is affected by passing stars and the Galactic tide. This causes

comets to become dislodged from their orbits and sent into the inner Solar Sys-

tem. It is thought that the icy objects within the Oort cloud formed in the earliest

stages of planet formation, and were originally closer to the Sun, but were scat-

tered great distances by the giant planets not long after they formed (Morbidelli,

2005).

1.2.3 Previous theories of planet formation

Traditionally the study of planets has been restricted to what is within our Solar

System and, until recently, has de�ned our understanding of planet formation

and evolution.

The formation theory developed in 1755 was called the "nebular hypothesis"

(see Fig. 1.2, Woolfson, 1993). Laplace suggested that a spinning cloud of gas col-

lapsed. As it collapsed and contracted inwards, it �attened along the axis of rota-

tion. As the core contracted, it left behind a series of rings, in which the material

coalesced to form a single planet within each ring. This built the groundwork for

understanding the near circular orbits of the planets and their alignment along a
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FIGURE 1.2: Diagram from Woolfson (1993) showing Laplace's the-
ory on the formation of the Solar System: a) a rotating cloud of gas;
b) the cloud collapsing and �attening along its rotation axis; c) for-
mation of a lenticular disc; d) a series of rings left behind from a

contracting core; e) one residual planet left inhabiting each ring

central plane. Questions about the distribution of angular momentum within the

Solar System cast doubt on this theory, given that the Sun contains the majority

of the mass of the Solar System, but� 1 per cent of the total angular momentum

(Jeans, 1919).

Due to the issues with the nebula hypothesis, it was abandoned in favour of

models where a pre-existing, slowly rotating Sun periodically erupted, causing

large amounts of material to be �ung from the surface into the surrounding en-

vironment, from which planets then formed (Chamberlin, 1901; Moulton, 1905).

The Laplacian model was rejected for decades whilst these other theories took

precedence (Woolfson, 1993).

However, in the 1960s the solar nebula disc model (SNDM) emerged, a theory

that is more similar to the Laplacian model. This theory explained the presence of

discs around young stellar objects (YSOs) and demonstrated that material within

these discs can accrete to form Earth-sized objects. It also addressed many of the
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issues with previous planet formation theories (Safronov, 1972).

According to the SNDM, stars form from massive, dense molecular clouds

with discs, from which planets subsequently form, making planet formation a

natural result of star formation. Material within the disc is able to accumulate

and accrete mass, growing in size through various mechanisms until the rocky

objects are terrestrial planetary masses (see Section 1.2.5). Giant planets form

from either these objects, or directly from the gas around the star. Ice grains can

form within the disc past the snow line, the particular radius from the central

protostar where temperatures are cold enough that volatiles can freeze. These

solid ice grains provide more material for giant planets to accrete, resulting in

large planets. This line exists at the asteroid belt, explaining the distribution of

terrestrial and giant planets within the Solar System.

1.2.4 Exoplanets

Within the past 20 years, the �eld of planetary physics has radically changed with

the detection of planets outside our Solar System. In 1988, the �rst such planet

was detected (Campbell et al., 1988) and in 1992 the �rst con�rmed exoplanet was

discovered (Wolszczan and Frail, 1992). However, the �rst unknowingly detected

evidence of the existence of an exoplanet was in 1917, when spectroscopic data of

the nearest white dwarf to Earth was polluted with heavy elements (van Maanen,

1917; Zuckerman, 2015). As heavy elements sink into the centre of the star and

therefore should not be present in spectra, these heavy elements indicate that

asteroids and comets have been knocked from their orbits and recently accreted

onto the white dwarf by a substantial object, which is most likely a planet.

Since the discovery of the �rst con�rmed exoplanet, there have been nearly

4,000 con�rmed exoplanets and more than 600 multiple planetary system detec-

tions (Schneider et al., 2011). Exoplanets and planetary systems range vastly in

size and architectural structure, far more than previous planet theories allow for.

Variations within exoplanet systems range in; distance from their host star, mo-

tion, orbital inclination and eccentricity, composition of the planets, arrangement

of the planets, number, density, temperature, and even number of stars. Exoplan-

ets of all masses have been found; from slightly larger than the Moon (Kepler-37b,

Barclay et al., 2013), to nearly 30 times the mass of Jupiter (HR 2562 b; although

this is likely a brown dwarf forming around a star, Konopacky et al., 2016), rais-

ing questions as to whether all planets form via the same process. Orbital periods

of exoplanets have been found to be as short as few hours (such as K2-137b, with
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an orbital period of � 4.31 hours, Smith et al., 2018), to hundreds of thousands of

years (2MASS J2126-8140, with the largest known orbital radius at � 4,500 AU,

Deacon et al., 2016), challenging planet formation models to answer how these

massively wide orbit planets form.

Planets have been found that are orbiting against the rotational direction of

their star (WASP-17b Anderson et al., 2010), are ancient in comparison to our own

planetary system (such as PSR B1620-26 b, an exoplanet found in a globular clus-

ter with an age of � 12.7 billion years; Sigurdsson et al., 2003), and even orbiting

pulsars (PSR J1719-1438 B). Planets are found orbiting binary and even triple star

systems (Kostov et al., 2013; Schwarz et al., 2017), systems which in fact may be

more hospitable to life (Wootton and Parker, 2019). The diversity of the detected

planets and planetary systems de�es previous formation hypotheses, with some

planets being considered physically impossible until they were detected, and still

is reshaping our current theories of planet formation (Manara et al., 2018).

Fig. 1.3 shows masses and orbital radii for the majority of the exoplanets that

have been con�rmed to date, most of which were detected by the Keplersatellite

(Burke et al., 2014; Coughlin et al., 2016; Thompson et al., 2018). Various methods,

such as micro lensing (Refsdal, 1964; Cassan et al., 2012), direct imaging (Marois

et al., 2008), radial velocity (Charbonneau et al., 2000; Agol et al., 2005), and tran-

sit (Agol and Fabrycky, 2018) are used to detect exoplanets. Each method has

ranges of planetary masses and separations that it is particularly well suited for

sampling, for example the transit method is good at picking up large planets that

have small separations from their host star. The lack of Earth-mass planets at � 1

AU which can be seen in Fig. 1.3, shows that due to the current technological

limits, this is likely not to be a complete sampling of planets. Future missions,

such as the James Webb Space Telescope (JWST) will help search for lower mass

planets with larger separations.

Planets are now de�ned as large bodies that are in orbit around at least one

star (Winn and Fabrycky, 2015). There can be one or many planets in orbit around

single or multiple stars. There are also free �oating planets (Sumi et al., 2011),

planets that have either been liberated from their initial planetary systems or have

potentially formed by themselves. Due to the extraordinary diversity and abun-

dance of exoplanets, it is now commonly considered that the majority of stars

host planets, with at least an average of one planet per star (Cassan et al., 2012),

rather than planet-hosting stars being the exception.

The number of planets within the Solar System, as well as the large collection

of moons, dwarf planets, asteroids, and the range of exoplanets that have been
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FIGURE 1.3: Distribution of planets with regards to mass (M Jupiter)
and separation distance (AU), courtesy of exoplanets.org. Each
colour indicates the method used to detect each planet; Red points
are detected using transit, blue using radial velocity, green using mi-

crolensing, and yellow using direct imaging.
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detected, indicates that planet formation occurs relatively easily. With the diver-

sity of detected exoplanets, a universal formation process is hard to pin down.

1.2.5 Planet formation

Planets coalesce from the disc of material that remains after a protostar has formed.

The dust and gas within the disc coalesce to form objects from small pebble sized

planetesimals to terrestrial and giant planets. The evolution of micron sized par-

ticles to terrestrial planets requires a growth through a minimum of at least 12

orders of magnitude. Conceptually, planet formation can be broken down into

three main processes; planetesimal formation, terrestrial planet formation, and

giant planet formation. Each growth stage has complications and as the full pro-

cess of planet formation has never been observed, it is still theoretical.

Planetesimal formation is the �rst processes (Johansen et al., 2014). The growth

of these particles is an important process as they are the �rst step of assembly for

a planetary system. The word planetesimal refers to bodies of a range of sizes

whose orbital evolution is dominated by mutual gravitational interactions be-

tween bodies. The process starts on the smallest scale, with dust and ice grains

that are �oating within a gas disc. In the formation of planetesimals, the cou-

pling of solid particles and gas in the disc is very important in the initial stages.

The gas within the disc is supported vertically due to pressure, therefore it does

not collapse. However, in a simple model, the dust grains are not supported by

this pressure gradient and therefore settles vertically to form a thin, central disc

within the larger gas disc.

At these microscopic scales, chemical bonds and van der Waals forces enable

grains to stick together. The collisions of particles occasionally results in parti-

cles sticking together, forming larger bodies. Larger particles start to gain higher

collisional speeds and eventually decouple from the small eddies of the gas com-

ponent of the disc (Johansen and Lambrechts, 2017). This process continues until

particles become large enough to decouple from the gas of the disc, and growth

through sticking occurs until objects that are tens to hundreds of kilometers in

diameter are formed.

The coalescing of planetesimals to sizes where runaway growth is possible is

extremely dif�cult to achieve. Grain surfaces are insuf�ciently sticky and there-

fore particles bounce off one another. However, run-away growth is achieved

(Blum and Wurm, 2000) and rapidly (Kleine et al., 2004; Baker et al., 2005). For

regions that are under normal turbulent conditions, planetesimals must reach
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sizes of 1000 km to begin the process of runaway growth into planets (Ida et al.,

2008). Evidence found in asteroids shows that large planetesimals formed in the

solar nebula within a couple of Myr, meaning that the process for forming large

planetesimals is faster than regular turbulence allows. In regions that are less tur-

bulent, this size limit may be reduced to between 1 - 10 km for runaway growth

to occur (Gressel et al., 2012), reducing the time to produce planetary building

blocks.

Terrestrial planet formation can occur once there is a substantial population

of planetesimals that have formed within the disc that are large enough that their

evolution is now being dominated by gravitational interactions (Morbidelli et al.,

2012; Raymond et al., 2014). During this phase, larger bodies grow more quickly

than smaller bodies, leading to runaway growth. The runaway phase happens

throughout the disc, and the timescale of this depends on the planetesimal size,

the local density of the planetesimals and the local dynamical time. The density in

the disc will also determine the maximum size of the planetesimal embryos when

the runaway growth phase ends. Depending on different factors, this phase can

form objects the sizes of moons and Mars around 1 AU radii within 10 5 - 106 yr.

The collisional evolution of the planetesimals leads to the growth of a new

population of objects that are planet embryos, the stage between planetesimals

and planets. These objects coalesce to form terrestrial planets and the cores of gi-

ant planets, bodies that are held together by self-gravity, rather than the strength

of the material they are formed from (Benz, 2000). This formation phase, out

of all three, is the most well de�ned and understood phase of planet formation,

however it remains a dif�cult process due to the sheer number of planetesimals

necessary; to form the terrestrial planets within the Solar System, over 500 million

planetesimals that are � 10 km in radius are needed (Armitage, 2010).

For the formation of giant planets, there are two theories: core accretion and

formation via gravitational fragmentation of an unstable disc (Helled et al., 2014).

In the core accretion model, giant planet formation is the �nal planetary for-

mation phase (Helled et al., 2014). Core accretion is similar to terrestrial planet

formation, however once the core of ice and rock has formed, it accretes an en-

velope of gas (Bodenheimer and Pollack, 1986; Lissauer, 1993). This occurs once

planets have grown to become approximately one Earth mass and begin to cou-

ple to the gas in the disc once again and alter its orbit, however it is due to gravity

rather than aerodynamics this time. If the planet is signi�cantly large ( � 10 M� ),

the planet can begin to capture an envelope of gas from the disc. The mass of the

planet at this stage is dominated by the core, with only a small envelope. This
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phase is brief (� 0.5 Myr), and ends once the mass of the core has reached its

isolation mass, the mass at which it has cleared its orbit of planetesimals.

The time to form planets via the core accretion method is � 2 – 3 Myr (Lissauer

and Stevenson, 2007). However, the time depends on the core formation speed,

the rate at which gas within the protoplanetary disc (proplyd) can cool and be

accreted onto the core, and the density of planetesimals within the disc. Past the

snow line, many more solid grains are available for accretion to take place, how-

ever disc density is likely to decrease with radius. The density of planetesimals

within discs can greatly affect outcomes of simulations (Dodson-Robinson et al.,

2009b). The snow line within the Solar System (� 3 AU) separates the terrestrial

planets from the giant planets. Classic core accretion states that giant planets are

able to grow more quickly than terrestrial planets due to the accretion of ices.

However, these timescales are still exceedingly long, and increase with distance

from the central star (Dodson-Robinson et al., 2009a; Ra�kov, 2011).

In the disc instability growth theory, it is thought giant planets form via grav-

itational fragmentation of an unstable protoplanetary disc. Perturbations within

the planet forming disc grow and cause densities in certain regions to be en-

hanced. These density enhanced regions can become destabilised once self-gravity,

rather than disc pressure and shear, becomes the most important effect on the gas.

These non-axisymmetric pertubations in the disc cause the redistribution of mass

and angular momentum, disc torques, shocks, and a source of heating in grav-

itationally unstable regions. Spiral arms can act to stabilise the protoplanetary

disc. These spiral arms can experience collapses in regions, creating bound, self–

gravitating clumps, which may then be able to form into giant gas planets. The

time taken for giant planets to form via disc instabilities is quicker than in core ac-

cretion (Boss, 1997). However, it becomes increasingly dif�cult at larger radii for

gas to clump and form planets (Kratter et al., 2010), and at smaller radii gas can-

not cool quickly enough to form bound clumps from spiral arms (Matzner and

Levin, 2005; Ra�kov, 2005), making planet formation via disc instability dif�cult.

As previously mentioned, observations of exoplanets are �nding a vast range

of planets that are constantly challenging current understanding of planet forma-

tion and evolution. The diversity of exoplanets can be explained in part by planet

formation processes, such as the separation of giant planets from terrestrial plan-

ets within the Solar System. However, core accretion models struggle to explain

the existence of planets such as hot Jupiters, the presence of massive planets be-

yond 15 AU, planets with retrograde orbits, and water on terrestrial planets due

to terrestrial planets forming within the snow line.
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Considering the protoplanetary disc and the interactions that can occur be-

tween the disc and forming planets, some of these observations can be explained

by planetary migration (Mulders et al., 2015). The three types of migrations de-

pend on the mass of the planet, as the more massive a planet, the greater effect

there will be on the disc (Armitage and Rice, 2005).

Type I migration applies to planets that are roughly an Earth mass (terres-

trial planets). These planets interact with the disc, however they are not massive

enough to affect the disc's density pro�le. Whilst the planet is orbiting around

the star, it causes spiral density waves within the disc, also known as Linblad

torques. The inner edge of the density wave can accelerate the planet, and the

outer edge acts to slow the planet. Based on the balance of these torques, they

can send a planet inwards or outwards, changing the orbit of the planet, but usu-

ally the outer wave slows the planet, causing it to spiral inwards.

More massive planets (� 5 M � ), can be affected by type II migration. Planets

of these masses can signi�cantly affect the density pro�le of discs. The planet will

create density variations in the disc, similar to type I migration only more signif-

icant, whilst continuing to accrete material. This accretion will open a gap within

the disc at the location of the planet (potentially observed in HL Tau, Fig. 1.4);

type II migration is therefore sometimes known as 'gap opening'.

Type II migration allows for type III migration to occur. Once a gap is cleared,

the planet will continue to accrete material with low angular momentum, causing

the giant planet to migrate inwards. Type III migration applies exclusively to

giant planets that have opened and sustained a gap within the protoplanetary

disc.

Planets can also interact with one another, causing them to become misaligned

with the spin direction of the star, have eccentric orbits, and even have orbits that

are counter to the spin of the star (Naoz et al., 2011). Irregularities within the Solar

System show that there was a period where planets were dynamically interact-

ing with one another. Uranus's axis of rotation is approximately parallel with the

rotation plane of the Solar System. The reason for this axis tilt is unknown, how-

ever it is thought that an Earth-sized object crashed into Uranus during planet

formation (Slattery et al., 1992). Planetary migration, combined with planets be-

coming trapped in resonances and interacting with one another, can explain some

observations within the Solar System and exoplanetary systems, but not all.
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1.2.6 Protoplanetary disc

Flattened, rotating discs of gas and dust are found around almost all low mass

stars after their birth (Williams and Cieza, 2011). Due to the universality of plan-

ets, these discs can be considered protoplanetary discs, and observations have

provided overwhelming evidence that planets form within them (e.g. Kraus and

Ireland, 2012; Quanz et al., 2015; Keppler et al., 2018).

Protoplanetary discs (see Fig. 1.4) form simultaneously with their host proto-

star. Gravitational collapse of molecular clouds form stars, and from the remain-

ing material forms planets. When a molecular cloud is collapsing, it is initially

collapsing radially. This gas is diffuse and has too much angular momentum to

collapse straight into the density of a star. Circumstellar discs are an inevitable

consequence of angular momentum conservation during the formation of a star

through gravitational collapse, and survive as well-de�ned structures that are

in semi equilibrium. Material from larger radii with higher angular momentum

falls inwards, causing the material surrounding the protostar to �atten and form

a disc. As the material �attens into a disc, the radius of the disc increases to 100s

of AU. Some of the material within the disc is driven onto the star due to the

viscosity of the disc causing material to lose angular momentum.

Protoplanetary discs are composed of gas and dust, with the majority of discs

being composed of gas, and � 1 per cent of the disc composed of dust. The mate-

rial within the disc is well mixed together, and planets form from this. Observa-

tions of protoplanetary discs have shown a typical radius of 100 – 200 AU, how-

ever models and some observations have shown that discs could be anywhere

between 50 and 1000 AU, and have masses ranging from smaller that 0.001 M�

to 0.1 M� and larger (Andrews et al., 2013; Ansdell et al., 2016; Segura-Cox et al.,

2016; Yen et al., 2017; Ansdell et al., 2018). The masses and sizes of protoplanetary

discs will greatly depend on various properties, such as the infall time of material

and the angular velocity.

Observations of protoplanetary discs show that there are different stages of

protoplanetary evolution. Lada and Wilking (1984), when observing 32 members

of the young star forming region Ophiucus, discovered three distinct classes of

stellar objects based on their emission wavelengths, with the majority being pre-

main sequence objects. Four objects appeared to be protostellar in nature, with

the evolution of these objects potentially being dominated by accretion. Eight of

stellar objects had previously been classi�ed as T Tauri stars, stars are classed as
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FIGURE 1.4: Image of the protoplanetary disc around HL Tau, a
T Tauri star, taken by ALMA. The images of HL Tauri show rings
within the disc. These could be formed by snow lines, or planets

sweeping gaps within the disc by accreting the gas.
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young stars that are less than 10 Myr old. A further 7 stellar objects were identi-

�ed as classical T Tauri stars in this study. Three of the stellar objects appeared as

purely reddened stars within the optical and infrared.

These observations formed the basis for the YSO Classes, which can be used

as a rough timeline for protoplanetary disc evolution (Lada, 1987; Williams and

Cieza, 2011). Class 0 objects contain deeply embedded infra-red sources. They

are black-body objects, with spectral energy distribution (SED) peaks in the IR

or mm part of the spectrum. Protoplanetary discs form very early on and grow

rapidly during the Class 0 collapse phase. Class I objects have plumes and jets,

but are still embedded, with sources having broad energy distributions that rise

towards 2 micron wavelengths. The Class 0 and I phases of star formation only

last a small fraction of the protoplanetary disc's life ( � 0.5 Myr; Williams and

Cieza, 2011). Class II is where the fully �edged protoplanetary disc becomes

optically visible (classic T Tauri stars). Class II sources have blackbody energy

distributions, but �at or decreasing energy distributions towards the 2 micron

wavelength. The median lifetime of a protoplanetary once it has left the embed-

ded phase is � 2-3 Myr, although individually protoplanetary disc lifetimes vary

greatly depending on the individual system. Class III have very weak visible

discs and are sources that could be modelled with reddened black body energy

distributions textbf(weak-line T Tauri stars). They have little infrared excess and

what excess there is likely comes from dust grain emission. Protoplanetary discs

at this stage are also known as 'transition discs', where the disc is quickly dispers-

ing. Transition discs are relatively rare ( � 10-20 per cent of the disc population),

which suggests that the transition phase is rapid.

Observations of protoplanetary discs have revealed that � 1 mm dust grains

within discs can survive � 3-10 Myr (Haisch et al., 2001). Observations of the

gaseous component of the discs also suggest that discs survive on the time scale

of a few Myr and then are rapidly dispersed ( � 3-5 Myr Ansdell et al., 2017).

1.2.7 Disc disruption, mass loss, and destruction

Protoplanetary discs have been observed around most stars with ages of � 1 Myr,

which are optically thick in infrared (IR), and have mostly disappeared around

stars with ages of � 10 Myr (Haisch et al., 2001; Mamajek, 2009), meaning physical

processes are actively dispersing protoplanetary discs.
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Planet formation consumes material within the disc (Brandner et al., 2000).

Within the solar planets there is a substantial de�cit in the abundance of hydro-

gen and helium when compared to the original cosmic abundances from which

the disc formed. The solar nebula contained many heavy elements which formed

terrestrial planets, planetesimals and rocky cores. Even though the time scales be-

tween disc life and giant planet formation via core accretion are similar and there-

fore could be construed as tightly linked (both � 3 Myr), the lack of substantial

amounts of hydrogen and helium being incorporated within planets along with

the heavy elements means that the process of forming planets can only make a

small contribution to the consumption of the gaseous component of discs. A disc

of material which planets form out of should exist for many millions of years if

planet formation is the only process removing material from the disc. The pres-

ence of planet-less and disc-less stars also shows that planet formation cannot be

the main dispersal method.

The radial �ow of material from the disc onto the host star is thought to con-

tribute greatly to protoplanetary disc dispersal. Viscous accretion disc theory is

based on the fact that the disc must transport angular momentum out radially

to enable star formation (see Pringle, 1981). Viscous diffusion in the disc drives

material inwards due a loss of energy. As the disc accretes mass onto its cen-

tral star, the angular momentum of the disc is conserved by the disc expanding

radially. The angular momentum of the material in the disc can be transported

outward via magnetic �elds, turbulence, and viscous material within the disc. As

the disc expands due to this spreading, the accretion rate onto the star will also

fall, meaning discs being dispersed by viscous accretion are never fully destroyed

but become optically thin after � 108 yr (see Gorti et al., 2009), which does not

re�ect the quick dispersal times found in the previously mentioned observations.

Few stars are observed with partial discs, suggesting that the time-scale for

transitioning between disc hosting and discless is small, and that processes acting

to clear discs are rapid and ef�cient. Observations show that processes are acting

on the scale of � 105 years to clear entire protoplanetary discs (Hartigan et al.,

1990). This is known as the two-time scale problem, and the rapid dispersal of

disc will place a time limit on planet formation.

There are a number of mechanisms that can drive gas from a protoplanetary

disc throughout its lifetime. These mechanisms, depending when they disperse

gas, can greatly affect and even inhibit planet formation. Depending on the

timescale over which gas is driven from the protoplanetary disc, planet forma-

tion can be affected in two ways. If gas is being driven from the protoplanetary
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discs before dust particles have managed to grow to sizes where they are able to

decouple from the gas �ow ( � 1 cm diameter), then the formation of planetesi-

mals, Kuiper Belt objects (KBOs) and terrestrial planets will be prohibited. If the

gas is dispersed before large (� 5 – 15 M� ) terrestrial planets have formed, and if

giant planets form via accretion onto large rocky cores, as described previously,

this will inhibit the formation of giant planets (Adams et al., 2004).

The dispersal of gas and dust from discs impacts planet formation in other

ways. As previously mentioned, the presence of a disc �lled with gas and dust

grains allows for planetary migration (see Section 1.2.5). Even a small presence

of gas at late timescales (10 –100 Myr) will affect the dynamical evolution of plan-

ets. Removing the gas removes the medium by which planets move, potentially

reducing the eccentricities of planets and planetesimals and resulting in longer

timescales for large planetesimals and terrestrial planets to form via collisions.

Our current understanding of planet forming processes and disc dispersal

methods makes creating planets within these timescales dif�cult, and dispers-

ing planet forming discs on such short time scales through planet formation and

disc viscosity alone does not seem possible. Observations show that planet form-

ing discs are dispersed within a few Myr, and the universality of planets seen

today means that planets do form within these short time-scales. Therefore, stars

must play an important role in the process of disc dispersal, and may also greatly

impact planet formation.
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1.3 Star clusters

Through extensive observations we have now built a relatively clear picture of the

formation and evolutionary timeline of protoplanetary discs, and by extension

the time scales involved in planet formation. These discs inherit their mass, com-

position and size from the surrounding star forming environment. The composi-

tion of the disc will in turn dictate, to some extent, the composition of the plan-

ets that subsequently form within it, provided no processes that inhibit planet

formation are in action. Understanding stars and star forming environments is

therefore fundamental to developing an understanding of planet formation.

Our understanding of the observed exoplanet diversity would be incomplete

if considered solely within isolated disc environments. Stars and their proto-

planetary discs form simultaneously, implying that planet formation is a natural

outcome of star formation. Stars will, therefore, play a large part in de�ning the

evolution of planets.

1.3.1 Star formation

Our understanding of star formation in recent years has changed as quickly and

dramatically as our understanding of planet formation. Over the past 20 years,

theories have moved from a quasi-static idea of formation to a process that occurs

rapidly within turbulent clouds. The exact processes involved in forming stars

are still not completely understood, and this is therefore just a brief description

of current theories (McKee and Ostriker, 2007; Krumholz, 2014).

Previous theories

The favoured model, by Shu et al. (1987) which is based on the quasi-static pic-

ture, can be viewed in four stages: cloud assembly, cloud collapse, core accretion,

and cloud dispersal.

In this model the molecular cloud assembles and cannot collapse under grav-

ity because of the presence of a magnetic �eld. The magnetic �eld slowly 'leaks'

out of the cloud as a result of ambipolar diffusion, due to the neutral hydrogen

molecules not being coupled to the plasma, allowing them to undergo gravita-

tional collapse. This causes a further increase in the density of the molecular

cloud. The core of the cloud eventually overcomes a density threshold, allow-

ing it to collapse under gravity to stellar densities. A protostar is created in
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these dense regions, and is fed by in-�owing gas and dust from the surround-

ing medium. It is thought that the rotation of the protostar gives rise to the disc

of material that forms around the protostar.

The protostar continues to accrete material from the surrounding medium and

the disc of material around it. Eventually the rate at which material falls onto the

protostar reduces due to the angular momentum of the material. This results in

stellar winds being able to break free from the polar regions of the protostar, cre-

ating a bipolar out�ow. Finally, the wind exceeds the accretion rate of in-falling

material and the star appears as a main sequence star, and eventually loses all

remaining traces of the disc, leaving behind a main sequence star.

Due to the constraints placed on the collapse of the cloud by the magnetic

�eld, the timescales required to form stars via this process are very long ( � 100

Myr). The formation of binary or multiple star systems through core fragmen-

tation is also prohibited, meaning that these systems must come from initially

unbound objects, which is very hard to achieve.

Modern theories

Issues arose from the previous slow star formation theory, such as how a self-

gravitating cloud of gas can support itself over many crossing times. Observa-

tions began to suggest that star formation occurred within one or two crossing

times, rather than tens (Elmegreen, 2000a), with stars forming on timescales much

shorter than those predicted by Shu et al. (1987). Recent theories focus on turbu-

lence driven processes which can rapidly form stars, addressing the issue that the

Shu et al. (1987) model had with timescales.

Over-densities within the galactic disc can develop due to the motion of spi-

ral arms and shocks from supernovae; these dense regions form giant molecular

clouds (GMC, Ballesteros-Paredes et al., 2007). Star formation and the cold in-

terstellar medium (ISM) seem to be intrinsically linked. Star formation occurs

within dense molecular clouds that are composed of hydrogen, and the turbu-

lence within the GMCs is thought to in�uence substructure within the clouds.

The properties of the clouds, such as the initial density pro�le and turbulence,

will dictate star formation rates and stellar masses (Girichidis et al., 2011). These

clouds can fragment into clumps, or prestellar cores. Some of the structures be-

come self-gravitating cores of different masses, and may collapse to form stars if

the internal gas pressure is not strong enough to withstand gravitational collapse

(Jean's instability, Jeans, 1902).
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Star formation typically begins with a prestellar core of � 1 M � at a temper-

ature of � 10 K. Initially, the molecular hydrogen within the core loses energy

by being in thermal equilibrium with the dust. Impacts between the H 2 and the

dust grains transfers thermal energy, which can be radiated outwards from the

core. As the core collapses, it is initially able to retain thermal balance by radi-

ating away the kinetic energy released by the in falling cloud, maintaining the

core's temperature at � 10 K. As the collapse is isothermal, the sound speed is

constant. However, the density within the core keeps increasing, decreasing the

Jean's mass, the minimum mass of a region that is required for collapse to occur.

At a critical density, the combination of gravitational energy release acceler-

ating and the increasing column density means that heat is no longer able to ra-

diate outward ef�ciently, causing the core to become optically thick to its own

radiation. The temperature within the core increases and the collapse becomes

adiabatic, resulting in the creation of the �rst protostar(s). As the cloud collapses,

it is rotating, and forms a rotating disc of material. Stellar winds arise, either

from radiation or magnetic �elds, that sweeps the material into an out�ow and

reduces the ef�ciency of star formation within the core.

Some models of prestellar core evolution into stars show that cores can inter-

act with one another, accreting material from one core onto another. Stellar multi-

plicity is also a ubiquitous outcome of star-formation (Duchêne and Kraus, 2013),

which can arise from the prompt fragmentation of the prestellar core during grav-

itational collapse, although no single process appears to be able to account for all

the observed multiplicity properties (Tohline, 2002). Modern theories today �nd

the process of star-formation to be far more dynamical, rapid and environmen-

tally dependant than previous theories.

1.3.2 Initial Mass Function

Star formation produces stars with a range of masses; from 0.08 M� stars (brown

dwarfs) to stars that are hundreds of times the mass of the Sun (O-type stars). The

mass of a star is by far the most important factor in determining its evolution and

lifetime. However, what dictates the mass of a forming star is currently poorly

understood, and is a central issue to the study of star formation. One of the ways

to probe the formation of stars is to look at the current population within the

Galaxy and observe their mass distribution. Observations of the distribution of

stellar masses throughout the Galaxy have been taken for decades to calculate

this probability function, which is called the initial mass function (IMF, Adams
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FIGURE 1.5: The initial mass functions from several studies
(Salpeter, 1955; Miller and Scalo, 1979; Kroupa, 2001; Chabrier,

2003), courtesy of Johannes Buchner.

and Fatuzzo, 1996; Bastian et al., 2010). This provides a way of parameterising

the relative number of stars as a function of their mass.

The observed IMF was �rst derived by Salpeter (1955). Since then there have

been many different studies into variations of the IMF (see Fig. 1.5, Salpeter,

1955; Miller and Scalo, 1979; Kroupa, 2001; Chabrier, 2003; Maschberger, 2013)

and studies into whether it is universal or not, and if universality means that

there is a universal star formation process (Bastian et al., 2010; Kouwenhoven

and Goodwin, 2010).

Theories on the origin of the IMF can be split approximately into two groups:

models that are deterministic, and focus on the creation of cores, and models that
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are stochastic and focus on the dynamics of the cloud that stars are forming from.

Models that focus on prestellar cores postulate that there is a direct correlation be-

tween the mass of cores and the IMF, and therefore in these models the IMF is pre-

determined by the distribution of stellar core masses (Hennebelle and Chabrier,

2008; Hopkins, 2012). These models appeal to the resemblance of the IMF to the

stellar core mass distribution. Models focused on stochastic accretion onto cores

and dynamical interactions propose that �nal stellar masses are independent of

core masses, and that any similarity between the IMF and the stellar core mass

function is a coincidence (Bonnell et al., 2001; Clark et al., 2007). This dynamical

view of star formation studies the effects of dynamical interactions and stochastic

accretion, such as competitive accretion between cores (Larson, 1978).

1.3.3 Low mass star formation

Based on observations, an evolutionary path for low mass star formation has been

built (Larson, 2003). Low mass stars start as cores and appear as main sequence

stars after going through four separate phases, categories that have been based

on the spectral energy distribution, as discussed in Section 1.2.6. Using these

observational YSO categories as a guide, a timeline of stellar evolution can be

built.

Class 0 objects are the earliest stages of disc and star formation that can be

observed. Class 0 objects are still embedded within a cloud that it thought to

be at least the same mass as the protostar; it is at this stage that the protostar

accretes most of its mass. This phase is thought to last more than 105 yrs. The

transition from Class 0 core to a Class I occurs when more than half of the sur-

rounding envelope of material has been accreted onto the central protostar. Class

I objects are still embedded, however the protostar is likely to be more massive

than the surrounding envelope after the previous accretion phase. During this

phase, the protoplanetary disc accretes material from the surrounding envelope

until it is depleted, which lasts � 105 yrs. Class II objects are completely revealed,

with fully �edged, thick discs orbiting a young star (classic T Tauri stars). The

material within the disc, as previously mentioned, accretes onto the central star.

This phase lasts for � 1 x 106 yrs, during which planet formation occurs. Once

there is no more matter accreting onto the star, and only a thin disc remains, and

objects are classi�ed as Class III (weak-line T Tauri stars).
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1.3.4 High mass star formation

Massive star formation is not likely to be a scaled up version of low mass star

formation due to the radiation that massive stars produce, which will be likely

to affect the surrounding environment (Zinnecker and Yorke, 2007). Stars are

considered massive when they are � 8 M � , as this is the lower mass limit for SN

progenitors (Smartt et al., 2010).

Studies of the Arches cluster, the densest known star cluster in the Milky Way,

suggested that the largest star that can form via gravitational collapse is � 150

M � or that there is a sharp turn down in the IMF after this (Elmegreen, 2000b). It

is potentially partially due to the Eddington luminosity, which de�nes the max-

imum amount of luminosity that can pass through a star's atmosphere without

ejecting it into space. However this does not take into account that stars spin

and therefore this limit does not hold (Crowther et al., 2010). Recent observations

have revealed that R 136a1 has a mass of� 265 M� , which disproves the maxi-

mum mass of a star that can form. Studies suggest that stars larger than 150 M�

can form through the collision and merging of massive stellar cores that form in

binaries (Zinnecker and Yorke, 2007). However, the stellar densities needed for

core merging to occur are extremely high (Bonnell and Bate, 2005).

Two main theories for the formation of massive stars from collapsing GMCs

exist. The �rst, known as core collapse, is that the star forming molecular clouds

fragment directly into stellar cores with masses of 20 – 50 M � . These massive

cores can then accrete material from the surrounding environment to form a mas-

sive star with a disc, although this accretion will not substantially change the �nal

mass of the star (Krumholz et al., 2005).

The second is that stars form via 'competitive accretion' (Bonnell et al., 2001).

Cores form initially with masses that are only a small fraction of the �nal stel-

lar mass. In-falling material from the surrounding environment can be accreted

and, if the core is located within the centre of a star-forming region, can cause it

to become suf�ciently massive that the core becomes gravitationally dominant,

leading to runaway growth.

Massive stars can greatly affect their surrounding environment during life

(Boneberg et al., 2015), and death (Ouellette et al., 2007; Gounelle, 2015). In the

immediate neighbourhood these effects are mostly destructive (as will be dis-

cussed in Section 1.3.8). However, further a�eld star formation may be triggered

by the ionizing radiation from the massive star sweeping up material, creating
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a dense shell of gas in which new stars can form, or from shock waves from ex-

panding winds or SN-driven bubbles (Preibisch and Zinnecker, 2007). This is a

debated form of star formation (Dale et al., 2015b).

The time to form a star may vary depending on the �nal mass of the star. In

the competitive accretion models (Bonnell et al., 2001), massive stars gradually

gain in mass over � 1 Myr (Wang et al., 2010), suggesting that high-mass stars

form later than low-mass stars (Tan et al., 2014). This means that the entirety of

their life is likely to be spent within a 1 of stars.

1.3.5 Star-forming regions and stellar groups

Observations show that � 70 – 90 per cent of stars reside in groups of stars (Gies,

1987; Bonnell et al., 2003). Observations of massive stars that are within the galac-

tic �eld and appear to be isolated show that � 50 per cent originated from star

forming-regions that contain many other stars, and therefore did not form in iso-

lation (de Wit et al., 2005). More recent observations and simulations show that

it is possible that all massive stars originated from stellar groups in star-forming

regions (Parker and Goodwin, 2007; Gvaramadze and Bomans, 2008), and ob-

servations of star forming regions show most stars in the vicinity are clustered

(Clarke et al., 2000).

As most stars form within groups (Lada and Lada, 2003), it is likely that the

Sun and our planets formed in one, as well as the majority of other planets. Star

and planet formation occurs simultaneously, and the formation of stars and plan-

ets are connected through discs. These discs can be affected by stars, therefore

understanding the environment that stars are forming in is vital to understand-

ing how it can potentially affect planet formation and evolution.

Practically all stars are thought to form as members of stellar groups that

are embedded in GMCs. Two competing theories about the formation of stel-

lar groups exist, although the reality may be an intermediate combination of the

two (Wright et al., 2014). In 'clustered star formation', the majority of stars form

within groups that contain thousands to hundreds of thousands of stars in re-

gions that are parsec-sized (Kroupa, 2011). These stellar groups have smooth

radial pro�les and are centrally concentrated. As only 10 per cent of stars remain

in gravitationally bound clusters after a few Myr, 90 per cent of these young clus-

ters must become disrupted, potentially by gas not used in the formation of stars

being expelled due to feedback (Goodwin and Bastian, 2006).
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Recent images from the Herschel Space Observatory show the initial condi-

tions of star formation, revealing that interstellar clouds are composed of �la-

mentary structures (André et al., 2010) which fragment into many bodies. YSOs

are correlated with the hierarchically structured ISM (Gutermuth et al., 2011) and

are found over a wide range of stellar surface densities Bressert et al. (2010); Krui-

jssen et al. (2012), suggesting that there is no preferred scale for star formation to

occur at.

In 'hierarchical star formation', stars form within signi�cantly substructured

(on pc scales) groups that vary with density across the regions. Bound stellar

groups, or clusters, can form due to merging substructures in the densest, collaps-

ing regions and low density regions become loosely bound or unbound groups

(Bastian et al., 2007). The formation of many stars simultaneously within a frac-

tion of a parsec produces groups of stars which vary greatly with regards to pop-

ulation; from a few tens to � 106 stars.

The term 'stellar cluster', or simply 'cluster', refers speci�cally to gravitation-

ally bound groups of stars. The stars within these clusters can be loosely gravita-

tionally bound to one another (open clusters) or tightly bound (globular clusters

for example). However, the term 'cluster' is often used colloquially to simply

describe a group of stars that formed from the same star-forming region. Used

colloquially, the term cluster can refer to stellar groups which are gravitationally

bound or unbound, and this has lead to a great deal of confusion within the star-

formation community. Throughout this thesis, the term cluster has been used

to colloquially refer to a group of stars that formed from the same star-forming

region, and does not make any assertions as to whether the stellar group is grav-

itationally bound or unbound.

1.3.6 Cluster Mass Function

Observations of star forming regions within the solar neighbourhood (Battinelli

et al., 1994) and the Large Magellanic cloud (LMC, Elmegreen and Efremov, 1997)

show that the initial mass distribution for young and old globular clusters, open

clusters, associations and interstellar clouds are all power laws with a slope of

� - 2. These observations, similar to the way that the IMF was produced, have

formed a cluster mass function (CMF), a power law of the form:

dN
dM

µ M � bC, (1.1)
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FIGURE 1.6: Star cluster mass function, with a slope of b = 2.

where M is the cluster mass and bC describes the slope of the observed CMF;

usually bC � 2. More recent observations of the LMC and other galaxies have

revealed a similar trend, and that there is an upper mass limit of 10 5 M � to this

relation (Gieles et al., 2006b), although this varies slightly depending on the ob-

served galaxy (b � 1.84� 2.04, Zhang and Fall, 1999; de Grijs et al., 2003; Hunter

et al., 2003; Gieles et al., 2006a; de Grijs and Anders, 2006). A higher value ofb,

for example 2.04, will increase the number of low mass stellar clusters and de-

crease the number of high mass clusters. Decreasing the value ofb, for example

1.84, would have the opposite effect, with a greater number of high mass clusters

being present and a lower amount of low mass clusters. Fig. 1.6 shows the form

of the CMF. Due to the slope of the CMF, there are many more low-mass ( � 100

M � ) than there are high-mass (� 103 M � ) clusters.

Approximately 10 per cent of stars remain within bound clusters after a few

Myr (Lada and Lada, 2003). Many other young stars are found in loose, comov-

ing groups that contain O type and/or early B type stars (Blaauw, 1964). These

regions are generally known as OB associations. OB associations have low densi-

ties, are not gravitationally bound and are therefore in the process of expanding

and dispersing into the Galactic �eld, implying that they are relatively young.
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Gravitationally bound clusters survive long after OB associations disperse,

and can therefore tell us about the IMF of high density star forming regions. As

mentioned in Section 1.3.4, massive stars can greatly in�uence their surrounding

environment. The Orion Nebula Cluster (ONC), shown in Fig. 1.7, provides a

good observational example of this. It is one of the most studied objects in the sky

due to its proximity to Earth ( � 415 pc), allowing for detailed observations. The

ONC is a cluster with an age of � 1–2 Myr, mass of � 2000 M� , and � 3500 cluster

members (Hillenbrand, 1997). Within the centre of the ONC is a very young ( � 1

Myr) open cluster, known as the Trapezium cluster, containing 4 massive stars

(Hillenbrand and Hartmann, 1998). With on-going regions of star formation, to

fully formed low and high mass stars, the ONC gives astronomers insight into all

stages of the star formation process on many scales.

Several studies have proposed a fundamental relation between the cluster

mass and the mass of the most massive star that can form (Weidner and Kroupa,

2006; Weidner et al., 2013), meaning that the CMF would ultimately control the

IMF. In this scenario, forming a cluster containing one massive star that can ex-

plode as a supernova requires the presence of several thousand low-mass stars

(� 1000 M� , Adams, 2010; Parker et al., 2014a), and rules out the existence of low-

mass clusters containing one or more massive stars.

However, low mass clusters containing massive stars containing stars with

masses much greater than this theoretical limit have been detected.The g Velo-

rum cluster is an excellent example of this; a low mass cluster containing 242

members (Jeffries et al., 2014; Prisinzano et al., 2016), where the most massive

member is g2 Velorum, a WC8/O8III binary with initial masses of 35 M � and 31.5

M � respectively (Eldridge, 2009) and the total cluster mass is only � 100 M� . It is

possible that these massive stars formed through mergers (Banerjee and Kroupa,

2018). However, as previously mentioned (see Section 1.3.4), the densities re-

quired to produce massive stars from mergers are extremely high, therefore this

is unlikely. Maschberger and Clarke (2008) created a compilation of observations

of low-mass clusters containing massive stars. Whilst the sampling was not com-

plete or unbiased, they found no strong evidence that systematic suppression

of the maximum stellar mass in low-mass clusters was occurring. Their results

indicate that the mass of stars within low-mass clusters can be assumed to be

randomly sampled from the IMF.

If the only limit on the mass of the star that can form is the total mass of the

star-forming region itself then occasionally it would be expected that a low-mass

star-forming region would contain one or more massive stars as observed in g
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FIGURE 1.7: A composite image of the Orion Nebula in visible and
infrared using the Hubble Space Telescope, from NASA.
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Velorum.

1.3.7 Cluster dynamics

The star formation process results in stars grouped together at densities that ex-

ceed the density within the Galactic disc by orders of magnitude (Lada and Lada,

2003; Bressert et al., 2010). The initial density of the group, and whether the stars

are gravitationally bound to one another, will dictate whether the stars evolve

into a bound cluster, or into a low-density association. Open clusters and asso-

ciations share a similar fate, which is that they will eventually be dispersed by

Galactic tides into the Galactic �eld, however the difference is the timescales. The

time taken for open clusters to disperse can range from 100 Myr, to a few Gyr

for the densest ones. As for associations, as they are unbound they are rapidly

dispersed on timescales of 10 to 100 Myr.

As mentioned in Section 1.3.5, recent observations have revealed that stars

form in substructured, hierarchical groups. However, observations of some young

clusters (as young as 1 Myr), show that they are centrally concentrated, with

smooth radial pro�les, such as the ONC (Hillenbrand and Hartmann, 1998). Nu-

merical studies have found that, due to two-body and violent relaxation, initially

highly substructured star-forming regions can evolve to smooth and centrally

concentrated clusters after only a few Myr (Scally and Clarke, 2002; Goodwin

and Whitworth, 2004; Allison et al., 2010), making it possible that all star forming

regions are initially substructured. A small amount eventually become smooth,

and centrally concentrated clusters through dynamical evolution, whilst the rest

become unbound associations (Parker and Meyer, 2012).

Stellar groups where gravity is important to the dynamical evolution of the

cluster are known as collisional systems. Within these groups, many interactions

with other stars are required to redistribute kinetic energy, and so collisional

systems usually have high stellar densities, such as globular clusters or young,

massive clusters. Over many crossing times (the time required for a signi�cant

fraction of an orbit to have occurred), the effects of so many interactions with

other stars signi�cantly affects the evolution of the stellar system. Relaxation-

driven equipartition of energy causes heavier stars to sink towards the centre of

the cluster and low-mass stars to migrate to the outskirts. This relaxation process

provides a way for transporting kinetic energy out of the centre of the cluster,

resulting in an increase in density.
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The initial bulk motion (velocity) of the star forming-region will also greatly

affect dynamical evolution. If the star-forming region is initially sub-virial (col-

lapsing), then the region will violently relax. This violent relaxation can form

gravitationally bound clusters. If the region is super-virial (expanding), the clus-

ter will rapidly disperse outwards, forming (unbound) associations.

The evolution of a young cluster depends on its dynamics (Nicholson et al.,

1992; Parker et al., 2014b; Sills et al., 2018), and possibly gas expulsion (Hills,

1980), although simulations have shown that if stars and gas are not coupled by

the time feedback occurs, gas expulsion is not a dominant factor in cluster dis-

persal (Dale et al., 2015a). Whether a cluster is initially contracting (sub-virial),

expanding (super-virial), or is stable (in virial equilibrium) will also affect its dy-

namical evolution.

The initial densities of star-forming regions are dif�cult to determine, and

span a wide range (Bressert et al., 2010; King et al., 2012), but many are thought

to be at least � 100 M� pc� 3 at the epoch of star formation. Parker (2014) compare

the present-day stellar densities and amount of spatial substructure in seven star-

forming regions, including the ONC and Upper Scorpius, to infer the likely range

of initial stellar densities in each of these star-forming regions. All are consistent

with having an initial density in the range of 10 – 1000 M � pc3.

The density of a cluster is an important consideration as dense clusters can

be inhospitable to protoplanetary discs. Two clusters that presently have simi-

lar densities may have had very different initial densities because initially very

dense clusters expand faster than lower density counterparts. By observing the

properties of protoplanetary discs and planetary systems, we may be able to tell

the kind of cluster environment that they formed in (Winter et al., 2019), and

whether or not there are speci�c conditions for star-forming regions that make

them conducive for planet formation.

Many factors impact planet formation, such as the length of time spent in

proximity to other stars, the number of massive stars present, and the density of

the cluster. Low mass clusters disperse more quickly than their high mass coun-

terparts (Adams and Myers, 2001), meaning protoplanetary discs in low-mass

clusters are less likely to be affected by external processes. Dynamical interac-

tions within clusters, and whether a star cluster is bound (subvirial or virialized)

or unbound (supervirial), could also signi�cantly affect the formation process of

planet and their evolution (Armitage, 2000; Bonnell et al., 2001; Scally and Clarke,

2001; Adams et al., 2006; Olczak et al., 2008; Parker and Quanz, 2012).
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FIGURE 1.8: Plot from Haisch et al. (2001) showing the percentage of
protoplanetary discs in observed clusters against the age of cluster.
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1.3.8 Protoplanetary disc disruption and clearing in clusters

Studies have shown that discs within clusters survive at different rates. In the

�rst study of its kind, Haisch et al. (2001) observed clusters which covered a large

range of ages (0.3 – 30 Myr). These clusters, NGC 2024, Trapezium and IC348,

were studied to collect data on the number of stars that were hosting discs (see

Fig. 1.8). Near infrared continuum observations were taken of the central region

of the disc (r = 0.1 AU). Comparing the youngest to the oldest cluster showed

that discs disperse rapidly within a few Myr. The youngest cluster (NGC 2024),

had a disc fraction greater than 80 per cent. By � 3 Myr, approximately 50 per cent

of stars retain their discs. By � 6 Myr it appears that most discs have dispersed,

giving a rough timescale for when stars will lose their discs within clusters.

As previously mentioned, gas dispersal methods are very inef�cient (Sec-

tion 1.2.7). Therefore, gas and dust should remain within the discs for many

millions of years after planet formation. However, observations of discs within

other clusters have also shown that disc lifetimes are short (Zuckerman et al.,

1995; Pascucci et al., 2006; Richert et al., 2018). Very few stars appear to retain

their discs by 10 Myr (Haisch et al., 2001; Mamajek, 2009; Richert et al., 2015),

with observations showing that disc lifetimes are � 3 – 5 Myr. Therefore, there

must be ef�cient external processes that can disperse discs.

Stellar winds

Protostellar winds and out�ows will affect disc dispersal rates. After the collapse

of the cloud into the protostar and protoplanetary disc, the disc actively begins to

accrete material and produces a strong wind. This wind is created by the rotating

magnetic �eld interacting with the inner disc, and this wind can have mass loss

rates that are 0.3 – 0.5 times that of the accretion rate onto the protostar (Shu et al.,

1988). Therefore, stellar winds cannot be responsible for dispersing signi�cant

amounts of disc material.

Stellar �ybys

Passing stars' gravitational potential can affect and interact with the protoplan-

etary disc (see Fig. 1.9, Clarke and Pringle, 1993; Armitage, 2000; Bonnell et al.,

2001; Scally and Clarke, 2001; Adams et al., 2006; Olczak et al., 2008; Parker and

Quanz, 2012; Rosotti et al., 2014; Vincke et al., 2015; Portegies Zwart, 2016; Winter

et al., 2018b). Material from the protoplanetary disc can be stripped and accreted
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onto the passing star. Close stellar interactions can also cause proplyds to be trun-

cated or destroyed. Planetary orbits can be disrupted, liberated or accreted onto

the passing star. The density of the star forming region will affect the rate of stel-

lar interactions, with stars in low-density environments experiencing fewer dy-

namical interactions than dense and populous environments (Wright et al., 2014;

Bressert et al., 2010).

FIGURE 1.9: The evolution of a tidal encounter between a protoplan-
etary disc and a star at four different snapshots in time (Dai et al.,

2015).

The orbits of objects within the Kuiper belt and Oort cloud show that it is

possible there was a close encounter with another star during formation (Brasser

et al., 2006; Punzo et al., 2014; Pfalzner et al., 2018). The wide and eccentric orbit

of the potential Planet 9 also has implications for the formation of the Solar Sys-

tem. Planet 9 could have been captured by our Solar System from another star's

protoplanetary disc (Mustill et al., 2016), although it is unlikely (Parker et al.,

2017). It could also be the core of a giant planet that was ejected from its original
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orbit by Jupiter during planet formation, or a captured rogue planet that formed

in a similar way to stars (Sumi et al., 2011).

Photoevaporation

Photoevaporation by the central star and neighbouring massive stars is thought

to be the dominant mechanism for dispersing protoplanetary discs. Photoevap-

oration occurs when ultraviolet radiation heats the material in the surface of the

disc to a suf�ciently high temperature ( � 500 – 104 K) that it has enough ther-

mal energy to overcome the gravitational binding energy of the disc. A pressure

gradient drives the unbound gas into the surrounding ISM, causing a steady de-

pletion and truncation of the disc. Internal or external sources can be responsible

for photoevaporation of protoplanetary discs.

Internal Photoevaporation

Internal photoevaporation occurs for discs surrounding stars with masses greater

than � 1 M � , due to radiation produced by the host star. There are two types of

ultraviolet radiation that are at work with the process of photoevaporation; ex-

treme ultraviolet radiation (EUV), which ranges between 13.6 – 100 eV, and far

ultraviolet radiation (FUV), which ranges between 6eV – 13.6 eV. EUV radiation

ionizes hydrogen atoms within the disc, creating a layer of hot gas within the

disc that has a temperature of � 104 K. FUV radiation acts externally to erode the

protoplanetary disc from the outside in. FUV photons are absorbed principally

by dust, and therefore FUV radiation can penetrate much deeper into the disc. At

high column densities FUV photons dissociate molecules, heating the material

that is impenetrable to EUV photons, and create a neutral �ow of material away

from the disc. X-ray radiation ( hv > 0.1 keV ) is also important in the case of

internal photoevaporation as the disc is in close proximity to the star, and erodes

the protoplanetary disc from the inside out.

Depending on the source of the ioniziation (or in the case of external photoe-

vaporation the distance), photoevaporation can be dominated by EUV or FUV ra-

diation. In the case where EUV radiation dominates the mass loss rate, EUV pho-

tons ionize the protoplanetary disc, causing the ionization front to be very close

to the disc surface. The neutral gas �ow evaporating from the protoplanetary

disc moves subsonically through a thin photodissociation region (PDR), which is

dominated by FUV photoevaporation. If EUV radiation is not dominating, the

PDR increases in thickness and the ionization front moves away from the surface
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of the disc. The neutral �ow of material travels supersonically through the thick

PDR, eventually hitting the ionization front created by EUV radiation and creat-

ing a shock front. Beyond the shock, the material travels subsonically through a

stationary ionization front (Johnstone et al., 1998).

The earliest ideas of photoevaporation considered disc heating due to EUV

photons from OB stars (Hollenbach et al., 1994; Richling and Yorke, 1997; Font

et al., 2004). However, this process by itself does not quickly or ef�ciently re-

move gas from the disc, and does not address the 'two-timescale' problem that

T Tauri stars present, where discs survive for long time periods before suddenly

dispersing.

Clarke et al. (2001) developed a model called the 'UV-switch' to address the

'two-timescale' problem, where EUV photoevaporation and viscous evolution of

the disc are combined (see Fig. 1.10). Viscous accretion of the disc onto the central

star and internal photoevaporation of the disc at moderate radii act together to

ef�ciently clear the entire disc. The 'UV switch' is turned on when the accretion

rate of material �owing in from larger radii onto the inner disc falls to a low

enough level (� 10� 10 M � yr � 1) so that it roughly matches the rate that material

is being lost from the disc due to photoevaporation. As the disc evolves, the

accretion rate of material onto the inner disc falls. The material in the outer disc

is no longer able to reach the inner disc as it is photoevaporated once it reaches

� 5 – 10 AU.

As the inner disc is no longer being replenished, it rapidly empties onto the

central star on viscous time scales (� 105 yr), resulting in the inner disc being

cleared, as seen in Fig. 1.10(c). This leaves a hole within the centre of the disc,

directly exposing the inner edge of the disc to UV photons. This UV radiation

continues to evaporate material from the disc; this is known as a transition disc.

Transition discs account for � 20 per cent of observed discs, and this transition

phase takes approximately 10 per cent (� 105 yr) of the discs lifetime (Kenyon

and Hartmann, 1995; Duvert et al., 2000). Based upon these observations, the

transition period of a disc is relatively short.

As it is the inner disc that is affected by EUV radiation, it is also the planet

forming region that is affected. This could be potentially detrimental to planet

formation, making the time it takes for EUV radiation to blow a hole in the inner

disc very important. FUV radiation seems to predominantly remove mass that is

not strongly bound from the outer disc. The FUV photons heat the material and

cause signi�cant erosion of the outer disc, which is where most of the mass of the

disc lies.
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(a) Massive �ared disc

(b) Settled disc

(c) Photoevaporating disc

(d) Debris disc

FIGURE 1.10: The evolutionary stages of a protoplanetary disc, depicting the process of
planetesimal formation and disc clearing when including viscous accretion and internal
photoevaporation of the discs by the host star. Graphics based on those made by Ian

Czekala for astrobites.
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X-rays can also play a major role in the evolution and dispersal of protoplan-

etary discs, especially when combined with the other forms of radiation. X-rays

ionize the gas, reducing the positive charge on dust grains, therefore enhancing

the heating caused by FUV radiation. Combined and under certain conditions,

X-rays and FUV photons can also create a gap in the inner disc. Protoplanetary

discs around solar-type stars will also be subjected to X-ray driven photoevapo-

rative winds, the strength of which scales with the X-ray luminosity. These winds

effectively suppress accretion by preventing material from reaching the star, cre-

ating a gap in the disc. By including internal X-ray photoevaporation in models,

model accretion rates can be directly compared to typically observed T Tauri ac-

certion rates, showing the relevance of X-ray photoevaporation in protoplanetary

disc evolution. Models of protoplanetary discs that simulate the effects of X-ray

driven internal photoevaporation show that the lifetime of discs are internally

regulated by X-ray photoevaporation and strongly depend on the X-ray luminos-

ity of the host star Owen et al. (2011).

External Photoevaporation

Star-forming regions can contain massive stars whose UV radiation is so strong

that it can affect the protoplanetary discs of neighbouring stars (Johnstone et al.,

1998; Armitage, 2000; Adams et al., 2004; Fatuzzo and Adams, 2008). The ex-

ternal radiation heats the outer and upper layers of the disc, similar to internal

photoevaporation, however the disc is evaporated from the outside in.

EUV radiation is produced by massive ( � 15 M� ) stars. As explained earlier,

in EUV-dominated �ows the thermal pressure at the surface layer of the disc is

determined by photoionization and the FUV produced pressure dominated re-

gion remains thin. Neutral gas that has been heated by FUV radiation moves

through this thin layer towards the ionization front, and so the mass-loss rate is

controlled by the EUV-induced ionization rate. EUV photons are absorbed by the

ionization front, preventing them from reaching the disc. However, protoplane-

tary discs in close proximity to massive stars will experience a great deal of mass

loss due to EUV radiation (see Fig. 2.4).

FUV photons are not absorbed and can penetrate and heat the gas, meaning

FUV radiation usually dominates in external photoevaporation. FUV radiation

is produced by all stars that are � 1 M � in mass, although O-type stars produce

the majority, creating a combined background radiation �eld which is measured
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in units of 'Habing' �ux ( G0, where 1G0 equals the estimated average UV back-

ground in the ISM, which is taken to be 1.6 � 10� 3 ergs cm2 s� 1). This radiation

�eld can be substantial, and can greatly affect protoplanetary discs. FUV pho-

tons often initiate mass loss, creating a �ow of neutral material from the disc that

in�uences the size of the ionized envelope (Yorke and Richling, 2002).

FUV heating comes mainly from two mechanisms; grain photoelectric heat-

ing, and FUV pump heating and subsequent collisional de-excitating of H 2 molecules

(Johnstone et al., 1998). In the �rst scenario, FUV photons are absorbed by dust

grains. Occasionally, the absorption of a photon leads to an energetic electron

being released, which then collides with gas atoms and ions, sharing its kinetic

energy as heat. This mechanism is responsible for � 1 per cent of the absorbed

FUV photon energy being converted into heat. The most common form of heat-

ing is caused when H 2 atoms absorb FUV photons, causing the electrons within

H2 atoms to become excited. At high densities at the disc surface, this vibrational

energy is converted to heat via collisional de-excitation by other hydrogen atoms

and molecules (Adams et al., 2004). In FUV-dominated �ows, the thermal pres-

sure at the surface of the disc is determined by FUV heating. The neutral gas

expands as it is heated, resulting in this material being launched from the disc

as a thermal wind. This supersonic wind pushes the ionization front away from

the surface of the disc, creating a shock front. Shock fronts have been observed

within star-forming regions, such as those in the Orion Nebula caused by exter-

nal photoevaporation (see Fig.1.11). After the shock, the material then travels

subsonically through the stationary ionization front. The mass-loss rate in this

scenario is determined by the pressure dominated region temperature, the FUV

�ux, and the opacity of the dust.

The effects of external photoevaporation appear to be observed in nearby star-

forming regions (see Fig. 1.11), such as the ONC (McCaughrean and O'dell, 1996;

Eisner et al., 2016, 2018) ands Orionis (Ansdell et al., 2017). These observa-

tions show that protoplanetary discs within clusters hosting massive stars are

subjected to photoevaporation.

The Solar System would have been impacted in substantially different ways

depending on the mass, IMF, and initial density of the star-forming region. If

massive stars were present during the formation of the Solar System, our proto-

planetary disc could have been subjected to high levels of background radiation,

and may have experienced external photoevaporation. FUV �uxes of G0 = 3000

can evaporate the solar nebula past 30 AU within 15 Myr, with more extreme FUV

�uxes ( G0 = 30, 000) photoevaporating the solar nebula within 6 Myr (Adams,
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FIGURE 1.11: Protoplanetary discs within the ONC that appear to be
being affected by the radiation from the Trapezium OB association
in the centre of the cluster. Whether these are protoplanetary discs

or the remnants of disc is unknown. From NASA.

2010).
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1.4 Formation of the Solar System

Observations of the present day Solar System can help place constraints on the

type of star forming region that formed the Sun. Planetary orbits within in the

Solar System are mostly circular. The mean eccentricity of the orbits is 0.06, with

a range from 0.00068 – 0.21. The orbits are almost completely aligned with the

plane that is de�ned by the total angular momentum of the Solar System. This

regularity provides powerful constraints on the formation of the Solar System

(Adams, 2010).

'Edges' within the Solar System provide another set of constraints, and can

tell us not only about planet formation, but also the type of stellar environment

in which the Solar System formed. The outermost structure in the Solar System,

the Oort cloud, is thought to extend to � 0.3pc (� 60,000 AU), in which the objects

are loosely bound to the Sun and are therefore easily perturbed by passing stars.

Based on stellar �y by rates in embedded clusters, most of the Oort cloud would

have been stripped if it formed within a dense, embedded cluster (Adams, 2010),

and therefore the cloud likely grew slowly over time (Duncan et al., 1987).

The solar nebula must have extended to at least 30 AU, the orbit of Neptune,

as planet formation occured within this region. The Kuiper belt also experiences

a signi�cant drop in the number of KBOs at � 50 AU (Allen et al., 2000). It is

likely that the Kuiper belt edge was created due to external photoevaporation

(Adams et al., 2004; Adams, 2010). Isotopically selective UV photodissociation

of CO isotopic isomers in the outer regions of the solar nebula is also the most

likely cause for the mass-independent oxygen isotope fractionation observed in

meteorites (Lyons and Young, 2005). Uranus and Neptune, both ice giants rather

than gas giants, may indicate that the solar nebula experienced photoevaporation

at the further edges of the disc (near r = 30 AU), as mentioned in Hollenbach and

Adams (2004). The low gas content within the planets could imply that gas was

expelled if they formed in situ with Jupiter and Saturn. Alternatively, they may

have taken longer to form than the gas giants, and therefore less gas was present

for them to accrete.

Orbits of objects like Sedna could not have been produced through planetary

interactions. It is therefore likely that a stellar �y-by disrupted Sedna. There

is also a small chance that it is a captured planet from another star (Kenyon and

Bromley, 2004). The rate at which stellar encounters occur depends on the density

of the environment that the Sun resided in when the encounter occurred.
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1.4.1 Short-lived radioisotopes in chondrites

The original composition of the Sun's protoplanetary disc can be determined

from chemical analysis of certain meteorites. Chondrites are stony meteorites

and are composed of dust and small grains, and are some of the most primor-

dial asteroids. They have never been a part of any bodies that were large enough

to undergo melting or planetary differentiation, meaning their composition has

remained unaltered since formation. Using Pb/Pb dating, the formation of chon-

drites has been dated to � 4.5 billion years ago (Bouvier et al., 2007; Amelin et al.,

2011). Therefore, chondrites re�ect the earliest composition and conditions of

the Sun's protoplanetary disc. One of the most de�nitive pieces of evidence that

the Sun formed within a cluster, and a potentially large cluster, is the presence

of short-lived radio isotopes in chondrites, which can only have originated from

neighbouring stars (which were likely massive) when the Solar System was form-

ing.

It appears that chondrites are homogeneous throughout the Solar System (Ja-

cobsen et al., 2008). Chondrites can contain calcium aluminium inclusions (CAIs),

which are microscopic rocks that are enriched with speci�c elements (Krot et al.,

2009). Chondrites are composed of a homogeneous mixture of pebbles and grains,

which grew through small planetesimals sticking to one another. The fact that

chondrites are undifferentiated (the metals are distributed throughout the chon-

drite and have not concentrated or formed a metallic core) shows that they could

not have come from larger bodies, where the pressures and temperatures would

have destroyed such mixtures and caused the creation of a core through differen-

tiation. Chondrites are therefore some of the earliest solids that formed within the

Sun's protoplanetary disc. Chondrites also have small dispersion ages, meaning

their formation is extremely rapid (Thrane et al., 2006).

Short-lived radioactive species (SLRs) with half-lives less than 10 Myr, such

as 26Al and 60Fe, have been detected in CAIs in carbonaceous chondritic mete-

orites in the Solar System (Lee et al., 1976; Marhas et al., 2008). These radioactive

isotopes appear to be one of the dominant sources of heat during planetesimal

formation (Urey, 1955; MacPherson et al., 1995) and could be important for long-

term physical processes within forming planetary systems (Adams, 2010; Licht-

enberg et al., 2016a).

In comparison to the interstellar medium (ISM), the Solar System appears to

contain an over abundance of these SLRs (Cameron and Truran, 1977). Because

of the short half-lives of SLRs and their homogeneous distribution throughout
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the Solar System (Villeneuve et al., 2009), these isotopes must have been incorpo-

rated within the protoplanetary disc either shortly before or during the very early

evolution of the Solar System.

SLRs can form through several mechanisms, though not all are viable meth-

ods for enriching the protosolar nebula. Cosmic ray spallation can form 26Al in

large enough quantities to match the levels measured in the Solar System, but

cannot produce 60Fe (Lee et al., 1998; Shu et al., 2001). SLRs are also produced in

asymptotic giant branch (AGB) stars (Wasserburg et al., 1994; Busso et al., 1999,

2003; Trigo-Rodríguez et al., 2009); however AGB stars are not associated with

star-forming regions and a chance encounter with them is highly unlikely (Kast-

ner and Myers, 1994).

The most probable scenario is that these SLRs were produced in the cores of

massive young stars, but the exact mechanism for their inclusion in the proto-

solar disc is still under debate. Star-forming regions often contain very massive

stars, and these massive stars explode as supernovae (SNe) and can chemically

enrich their immediate surroundings in short-lived radioisotopes.

One possibility is that the Sun (and its protoplanetary disc) formed from pre-

enriched material (Gounelle et al., 2009; Gritschneder et al., 2012; Gounelle and

Meynet, 2012; Gounelle, 2015). In this scenario, a �rst generation of stars pro-

duce SNe that pollute the surrounding medium and trigger a second generation

of star formation, without destroying the GMC. This causes the second genera-

tion of stars to form from material pre-enriched in 60Fe. Winds from a massive

star in this second generation deliver 26Al into the surrounding ISM, from which

a third generation of stars, including the Sun, form. However, Parker and Dale

(2016) show that this sequential star (and planet) formation scenario would lead

to large age spreads (or even age dichotomies) due to dynamical mixing in young

star-forming regions, which are not observed (e.g. Soderblom et al., 2014). Fur-

thermore, this scenario requires a substantial fraction of stars to form via trigger-

ing, which is not common in simulations of star cluster formation (Dale et al.,

2015b).

The other potential enrichment mechanism is direct enrichment of the proto-

planetary disc from a nearby SN explosion (Chevalier, 2000; Ouellette et al., 2007).

If enrichment occurs from a single supernova explosion, a star of 20 M � would

be suf�cient to deliver similar abundances to those found in the Solar System

(Wasserburg et al., 2006). Chevalier (2000) and Ouellette et al. (2007) propose that

accretion of grains from the supernova ejecta could provide substantial amounts

of 26Al and 60Fe, and that the high radiative luminosity could cause melting of
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dust grains and the formation of chondrules. The disc, when closer than 1 pc from

the SN explosion, would not incur large mass loss ( < 1 per cent), and the disc

does not absorb enough momentum from the shock to be liberated from the host

protostar (Ouellette et al., 2007). A distance to the SN of between � 0.1 – 0.3 pc

allows for suf�cient enrichment without destroying too much of the disc (Scally

and Clarke, 2001; Adams et al., 2004), although recent work by Lichtenberg et al.

(2016c) suggests that the outer distance can be relaxed somewhat. However, SN

ejecta is vastly enriched in 60Fe relative to 26Al (Woosley and Heger, 2007), mean-

ing all models relying on SN injection result in a 26Al/ 60Fe ratio that is far lower

than the initial solar ratio unless special conditions are adopted (Desch et al.,

2011).

1.4.2 Birth environment of the Solar System

Over the past few years, observations have focused on trying to �nd the poten-

tial remnant of the Sun's birth cluster and models have begun to constrain the

distances to clusters that could plausibly have formed. Accounting for previous

orbits through the Galaxy and the impacts this can have on the dispersion of star-

forming regions, it is thought that 10 – 40 per cent of the Sun's siblings should

be located within 1kpc of the Sun (Portegies Zwart, 2009), and potentially the

remnant of the cluster within 2kpc (Pichardo et al., 2012).

Based on the information gleaned from observations of the orbits of KBOs and

the presence of daughter products of multiple radioactive isotopes in chondrites,

it is clear that the Sun did not form in isolation, but in the vicinity of other stars,

and at at least one massive star. It is common (see Fig. 1.5) that several thou-

sand low-mass stars form with every massive star. Star clusters typically have

radii of order 1 pc (Lada and Lada, 2003), which corresponds to initial densities

of upward of 1000 stars pc� 3. The presence of thousands of stars means that pho-

toevaporation of protoplanetary discs and disc truncation and disruption due to

stellar �ybys are potential problems discs can potentially face.

The Solar System may have been able to survive within a relatively dense

(� 103 stars pc� 3) cluster for as long as 250 Myr before being disrupted (Adams,

2010) so long as it spent a signi�cant portion of time on the outskirts of the clus-

ter and travelled to the central region of the cluster just before the SN explosion,

although the probability of this occurring is small (Williams and Gaidos, 2007).

However, external FUV radation within a dense, massive cluster would be high
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and as a result photoevaporation would greatly reduce the lifetime of the proto-

planetary disc, potentially suppressing giant planet formation (Armitage, 2000).

Studies have looked at cluster properties that would allow for the formation

of a planetary system like the Solar System whilst accounting for these external

effects (Portegies Zwart, 2009; Parker et al., 2014a; Pfalzner et al., 2015; Portegies

Zwart, 2019). Since massive stars usually form with several thousand other stars,

these studies focus on clusters with � 1000 - 3000 stars, although Portegies Zwart

(2009) considers clusters with as little as 300 stars. Parker et al. (2014a), who

focus on 'typical' clusters containing massive stars, �nd that � 0.5 – 1 per cent of

G-type stars are enriched and unperturbed, making high mass clusters inef�cient

at enriching protoplanetary discs via SN enrichment.

M67, an open cluster that has a very similar age and metallicity to the Sun, and

is a similar distance from the Galactic centre, has been considered as the potential

birth cluster of the Sun (Önehag et al., 2011). Recent 3D models of the Milky Way

have traced the orbits of M67 and the Sun through time show that it is highly

unlikely that the Sun originated from M67 (Pichardo et al., 2012), meaning that

either the birth cluster of the Sun still has yet to be discovered, or that it has been

fully dispersed into the Galactic �eld.

As mentioned in Section 1.3.6, observational examples of low mass clusters

containing massive stars have been found, such as theg2 Velorum cluster, a low

mass cluster containing 242 members (Jeffries et al., 2014; Prisinzano et al., 2016),

where the most massive member is g2 Velorum, a WC8/O8III binary with initial

masses of 35 M� and 31.5 M� (Eldridge, 2009). If the only constraint during star

formation is that a star cannot form with a mass greater than that of its birth

cluster (Elmegreen, 2006), this means that stastically speaking it is possible to

form a low mass cluster ( � 100 M� ) containing high mass stars.

Embedded clusters typically have radii of order 1 pc (Lada and Lada, 2003,

meaning that clusters with low masses will likely have a lower stellar density

than their higher-mass counterparts. These lower stellar densities may imply

that the stars that are enriched by SNe suffer fewer dynamical interactions, and

hence could be more viable environments for the formation and evolution of a

quiescent Solar System.
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1.5 Aims

In this Chapter I have reviewed the processes behind planet and star formation

and how the surrounding environment affects and shapes them. As the majority

of stars seem to host planets, and the majority of stars form in clusters, under-

standing the effects of cluster environments on planet formation may be funda-

mental to understanding the diversity of observed exoplanets. The old theories

of planet formation have changed dramatically with the detection of exoplanets,

and many new challenges face astrophysicists, from the timescales involved to

how star forming environments shape planet formation.

The birth environment of the Solar System is currently unknown. There is

signi�cant tension between the apparent need for a large birth cluster contain-

ing massive stars to provide nuclear enrichment to protoplanetary discs and to

explain the orbits of objects such as Sedna, and the need for a smaller, less dy-

namically active cluster to avoid potentially destructive dynamical and radiative

effects. A wide range of star-forming regions containing massive stars that can

create analogues to the Solar System has been explored, with masses as low as

� 500 M� being investigated (Portegies Zwart, 2009); however, this ignores the

majority of star forming regions. Lower mass star forming regions outnumber

� 500 M� clusters by almost 10 to 1 (see Fig. 1.6). Though the total numbers of

stars born from these low-mass star forming regions is not 10:1 when compared

to the numbers that originate from higher mass clusters (see Section 2.1), these

low-mass regions may be less prone to close encounters that disrupt discs, and

less extreme UV radiation, as the presence of even one massive star in a low-mass

region is unusual.

Previous studies have focused on smooth, centrally concentrated star-forming

regions, similar to the ONC. However, observations of young star-forming re-

gions show that many initially begin highly substructured, and over a few Myr

become smooth and centrally concentrated due to two-body relaxation. If, and

how, this initial substructure affects the amount of UV radiation and subsequent

photoevapoation that protoplanetary discs are subjected to is unknown.

The aim of this thesis is to explore the parameters that have yet to be con-

sidered when analysing how star-forming environments shape planets. I will

explore whether low-mass ( � 100 M� ) star-forming regions that contain massive

stars could be the potential birth environment for the Solar System, and how ef-

�cient low-mass star forming regions containing one or two massive stars are at

enriching protoplanetary discs (Chapter 3). I shall also consider the dependence
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of protoplanetary disc dispersal rates due to external photoevaporation in differ-

ent mass star-forming regions when the initial conditions of clusters are varied

(Chapter 4). Finally, I shall examine how UV radiation �elds vary based on the

initial spatial distribution of stars, and whether stars with masses <15 M � con-

tribute signi�cantly to UV radiation (Chapter 5).
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Chapter 2

Methods

In this Chapter I describe the cluster simulations used throughout this thesis,

focusing on the cluster set-up and selection and the N-body simulations used to

examine the effects that cluster dynamics have on enrichment and destruction of

protoplanetary discs.

I use Monte Carlo codes and N-body simulations to model and evolve clus-

ters containing massive stars and analyse the results. I describe the method to

select low-mass clusters containing massive stars from the cluster mass function

(Section 2.1), before describing the subsequentN-body and stellar evolution of

these clusters (Section 2.2 and 2.3). Finally, I discuss how disc mass loss and the

UV radiation �eld are calculated (Section 2.4.1 and 2.5).

2.1 Creating clusters

In order to determine the fraction of low-mass clusters that contain massive stars,

cluster masses are randomly sampled from the following analytic �t to the ob-

served star cluster mass function (CMF):

N (M ) µ M � bC, (2.1)

where M is the cluster mass and bC describes the slope of the observed CMF.

A value of bC = 2 is adopted in accordance with Lada and Lada (2003) although,

as described in Section 1.3.6, this value does vary depending on the observed star-

forming region. I sample this function for cluster masses between 50 � 105 M � ,

which results in the distribution shown by the (top) magenta line in Fig. 2.1.

I then populate these clusters with stars drawn randomly from the IMF, which

is described in Section 1.3.2. The mass function developed by Maschberger (2013)

is used in this thesis, and has a probability density function of the form:
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FIGURE 2.1: Star cluster mass functions for clusters containing dif-
ferent numbers of massive stars. Stars with masses> 20 M� were
speci�cally selected because of their exceptionally short lives, ex-
ploding as SN within a few Myr, which allows for enrichment to

take place while planet formation is still occuring.

p(m) µ
�

m
m

� � a
 

1 +
�

m
m

� 1� a
! � b

(2.2)

Here, m = 0.2 M� is the average stellar mass,a = 2.3 is the Salpeter (1955)

power-law exponent for higher mass stars, and b = 1.4 is used to describe the

slope of the IMF for low-mass objects (which also deviates from the log-normal

form; Bastian, Covey, and Meyer, 2010). Finally, this IMF is sampled from within

the mass rangemlow = 0.1 M� to mup = 50 M� . Stars more massive than 50 M�

are not sampled here so that the simulated star forming regions produce clusters

which represent star-forming regions found in the local Solar neighbourhood.

A "soft-sampling” technique is adopted to �ll the clusters, i.e. if the total stel-

lar mass sampled from the IMF equals or exceeds the stipulated cluster mass, then
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the cluster is considered to have been populated, and the process is repeated with

the next cluster (Elmegreen, 2006). This method of randomly sampling the IMF

implies that the only formal limit on the most massive star that can form is the

upper limit to the IMF (Parker and Goodwin, 2007). The debate on whether to

use random or selected sampling is an important issue with regard to the clus-

ters selected for this thesis. Sorted sampling would rule out the case where a low

mass cluster could produce a massive star, due to the physical dependence on the

mass of the cloud (Weidner and Kroupa, 2006). However, if the only limit on the

mass of the star that can form is the total mass of the star-forming region itself,

then occasionally it would be expected that a low-mass star-forming region could

contain one or more massive stars.

As mentioned in Section 1.3.6, low-mass star-forming regions rarely contain

massive stars, but such regions are observed (e.g.g2 Vel, a low-mass region con-

taining at least two massive stars, Jeffries et al., 2014). Because Cerviño et al.

(2013) show that it is statistically impossible to distinguish between each scenario,

and given their signi�cant contribution to the integrated stellar mass function

(see Fig. 2.1), I therefore investigate low-mass star-forming regions (100 M� ) that

contain massive stars. I will assume that it is possible to form a massive star

that explodes as a SN in a cluster containing a few hundred low-mass stars, and

will explore how protoplanetary discs within these clusters are affected by the

radiation of the massive star or stars.

As it is low-mass clusters containing massive stars that are of most interest,

the CMFs for clusters that contain one or more stars with mass > 20 M� are plot-

ted. Fig. 2.1 shows that there is an equal probability of a cluster with a stellar

mass of 1000 M� occurring as a low-mass (50–200 M� ) cluster containing one or

two massive stars; low mass clusters containing one massive star are 100 times

more abundant than the higher mass clusters. Whilst the total population of stars

originating from each type of star-forming region will depend on the mass range

that is considered, the number of stars produced in low-mass star forming re-

gions (� 100 M� ) is non-negligible (see Section 3.4). Therefore, these low-mass

environments should be considered when searching for the birth environment of

the Solar System and its analogues.

I select the median regions in terms of the total number of stars from within

the mass ranges of 100� 1M � and 1000� 10M� , with the stipulation that they

have to contain massive stars. For the 100 M� mass regions, the median region

containing one and two massive stars was speci�cally selected. For the 1000 M�

the average cluster that contained three or more massive stars was selected.
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2.2 Simulation set-up

Both observations (e.g. Cartwright and Whitworth, 2004; Sánchez and Alfaro,

2009; Gouliermis et al., 2014) and simulations (Schmeja and Klessen, 2006; Girichidis

et al., 2012; Dale et al., 2013) of star-forming regions indicate that stars form with

a hierarchical, or self-similar spatial distribution (i.e. they are substructured). It is

almost impossible to create substructure through dynamical interactions; rather

it is usually completely erased over a few crossing times (Scally and Clarke, 2002;

Parker et al., 2014b).

The simulations presented in this thesis are created with initial substructure

by following the box-fractal method in Goodwin and Whitworth (2004). As men-

tioned in Chapter 1, clusters form in highly turbulent clouds, which are highly

substructured, giving rise to highly substructured star clusters. These clusters

then lose their substructure as they evolve, and become smooth and approxi-

mately spherical. To create substructure, a fractal distribution of stars is created.

First a cube of side Ndiv (Ndiv = 2 is used throughout) is de�ned, inside which

the fractal will be created. A �rst generation parent is placed at the centre of the

cube. From the centre of the cube, N3 sub-cubes are created, with a �rst genera-

tion child in the centre of each. The fractal is then created by determining which

�rst generation children become parents themselves and spawn children in the

same manner. Which children become parents is determined by the fractal di-

mension, D, with the probability that a child becomes a parent being N (D � 3)
div . If

the fractal dimension is low then less children will become parents, meaning the

�nal cluster will contain more structure, and if the fractal dimension is high then

more children will become parents, meaning the structure will be more smooth.

A small amount of noise is added to the positions of the generated children

to stop the cluster having a grid like appearance. Some of these children then be-

come parents and the process is repeated until there are substantially more chil-

dren than have been speci�ed. Finally, some of the children are then randomly

removed from the outer edges to produce a spherical cluster from the cube, the

random selection process making sure that the fractal shape is maintained, until

the speci�ed number of children are remaining. These children are then ran-

domly assigned masses from the IMF and become the stars within the cluster

(Allison et al., 2010; Parker et al., 2014b).

I adopt three different fractal dimensions: D = 1.6 (highly substructured),

D = 2.0 (moderately substructured), and D = 3.0 (smooth). Note that the frac-

tal dimensions obtained from Goodwin and Whitworth (2004) give approximate
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fractal values with some statistical variation around these values. The clusters

are de�ned by the half-mass radius, a value that is set at the beginning of each

simulation run. The half-mass radius is the radius within which half the mass of

the cluster resides.

There are several ways to distribute the mass of a cluster. Recent papers (e.g.

Allison et al., 2009) adopt a fractal mass distribution to reproduce the clumpy

and �lamentary conditions that are observed in young star forming regions. An-

other approach is to adopt a mass distribution similar to that of a globular cluster,

known as a Plummer sphere (Plummer, 1911). The Plummer sphere is a good ap-

proximation for the ONC as it is observed today, and describes clusters with a

smooth radial mass pro�le that is centrally concentrated. The mass-density pro-

�le of the Plummer sphere can be written as

m(r) =
3M cl

4p r3
pl

1
h
1 +

� r
rpl

� 2
i 5/2

(2.3)

where r m(r) is the radius-dependent density, M cl is the mass of the cluster,

and rpl is the 'Plummer radius' (Kroupa, 2008). Both fractal and Plummer sphere

mass distributions are used in Chapter 4.

The velocities of stars in the fractals are also correlated on local scales, in ac-

cordance with observations (Larson, 1981; André et al., 2010). The children in the

fractals inherit their parent's velocity, plus a small amount of noise which suc-

cessively decreases further down the fractal tree. This means that two nearby

stars have very similar velocities, whereas two stars which are distant can have

very different velocities. Again, this is an effort to mimic the observations of star-

forming regions, which indicate that stars in �laments have very low velocity

dispersion (André et al., 2010).

Finally, the velocities of the stars are scaled in the fractal to the desired virial

ratio avir , where avir = T/ jWj; T and W are the total kinetic energy and total po-

tential energy of the stars, respectively. Three different virial ratios are adopted

for the simulations: avir = 0.3 (subvirial, or collapsing), avir = 0.5 (virial equilib-

rium) and avir = 0.7 (supervirial).

Each median cluster is evolved through every permutation in Table 2.1 for

10 Myr using the Starlab environment (Portegies Zwart et al., 1999, 2001). For

each realisation of the initial conditions, 20 versions of the same simulation are

run, identical apart from the random number seed used to set the positions and

velocities, in order to gauge the inherent stochasticity in the evolution.
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(a) Highly substructured ( fd = 1.6)

(b) Plummer sphere

FIGURE 2.2: (a) and (b) show the same 1000 M� cluster at time 0
Myr, but with different spatial mass distributions. Fig. (a) shows
a highly substructured and clumpy initial mass distribution ( fd =
1.6), and Fig. (b) shows the cluster with a Plummer sphere mass dis-
tribution. The black points are individual stars and the red triangles

show massive (� 20 M� ) stars.
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TABLE 2.1: The initial conditions for all simulations where avir is the
virial ratio, fD is the fractal dimension, and ps stands for Plummer

sphere. All con�gurations of these initial conditions were run.

Nstars Nstars (>20 M� ) avir fD r (M � pc� 3)

145 2 0.3; 0.5; 0.7 1.6; 2.0; 3.0 10; 100
113 1 0.3; 0.5; 0.7 1.6; 2.0; 3.0 10; 100
2377 5 0.3; 0.5; 0.7 1.6; 2.0; 3.0; ps 10; 100

2.3 N-body simulations

N-body simulations provide the most ef�cient way of numerically simulating dy-

namical interactions and evolution within clusters. Every star within the simula-

tion is provided with a mass, as described above, and is considered as a point-like

particle. Newtonian gravity is used to determine the force that all these particles

exert on one another at each time-step within the simulation. This allows for the

trajectory of stars to be calculated for the next time step, and this process is re-

peated for the duration of the simulation. The smaller the time steps are, the more

accurate the calculation but the longer the run time for the simulation.

As mentioned in Section 1.3.7, many small interactions between stars (or par-

ticles) within dense stellar groups can greatly affect the evolution of the system.

Interactions between stars can also result in binary systems, which can affect stel-

lar evolution and potentially protoplanetary discs, especially for massive stars

(Portegies Zwart and Verbunt, 1996; Sana et al., 2012). Calculating these small

interactions within simulations provides a challenge. Using brute-force direct-

summation methods can result in high running costs and dif�culties with the

enormous range of time scales (from days to 104 � 106 yrs). There is also the issue

that the time step sizes required to accurately integrate the trajectory of a star can

vary considerably. To overcome the enormous dynamic range in time involved

in collisional N-body problems, variable time-step schemes are used (Aarseth,

2003). Particles are arranged in a hierarchy of time-step levels which are organ-

ised in powers of two, with reference to a base time step level, and can then

move between levels at synchronised points according to the amount of accuracy

needed.

Due to the high precision needed when calculating the trajectory of a star, a

Hermite integration scheme is used. This uses a 4th-order polynomial to �t a

function between two points, as long as the value and the �rst derivative of the
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function at the points is known. This prediction scheme is used to �t a (the ac-

celeration vector) with a fourth order polynomial using four previously recorded

times

at = a(1) (Dt) +
a(2)

2!
(Dt)2 +

a(3)

3!
(Dt)3 +

a(4)

4!
(Dt)4, (2.4)

where a(n) is the nth derivative of the acceleration with respect to time, and Dt

is the difference between the current and most recent (t0) time.

From Newton's law of gravity, the equation of motion for the i th particle in a

cluster containing N particles is:

ai = �
N

å
j= 1,j6= i

Gmj (r i � r j )
jr i � r j j3

(2.5)

where ai is the acceleration vector of the i th particle, which is calculated with

respect to the j th particle. r i and r j are the radial vectors of the i th and j th par-

ticles, and G is the gravitational constant ( G = 6.67� 10� 11m3kg � 1s� 2). The �rst

derivative of this is given by

�ai = �
N

å
j= 1,j6= i

Gmj (v i � v j )
jr i � r j j3

+ 3
N

å
j= 1,j6= i

(r i � j ) � (v i � v j )ai j

jr i � r j j2
. (2.6)

At the beginning of each timestep, the values of a0 and a(1)
0 are calculated.

These values are then used to predict the position of the particles (r) at the end of

this time step

r = r0 + v0Dt +
1
2

a0Dt2 +
1
6

�a0t3, (2.7)

where r0 is the radial and v0 is the velocity vector of the particle at the be-

ginning of the timestep. The velocity ( v) of the particle at the end of the step is

calculated using a, a(1)
0 and v0, using

v = v0 + a0Dt +
1
2

�a0Dt2. (2.8)

Next, the acceleration and its �rst derivative ( a and �a) are calculated at the

end of the timestep. The Taylor series for the acceleration a can be expanded up

to order
...
a,

a = a0 + �a0Dt +
1
2

ä0Dt2 +
1
6

...
a0Dt3. (2.9)
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An expansion of the �rst derivative can also be made, up to the
...
a term:

�a = �a0 + ä0Dt +
1
2

...
a0Dt2. (2.10)

The higher order terms of acceleration (ä0 and
...
a0) can be simultaneously

solved and then eliminated, giving

r = r0 +
1
2

(v + v0)Dt +
1
12

(a0 + a) + C(Dt5), (2.11)

v = v0 +
1
2

(a + a0)Dt +
1
12

( �a0 � �a)Dt2 + C(Dt5). (2.12)

These equations are fourth order accurate and also time symmetric, and there-

fore give excellent energy conservation. At the beginning of each time step, all

stars are synced. The acceleration of each particle is calculated using Eqns. 2.4,

and is used to predict the position of the particle at the end of the time step.

Based on this �rst calculation, particles are assigned a time-step rung based on

the level of accuracy needed (see Fig. 2.3). The particles with the smallest time-

step segments will have their velocities, accelerations, and positions calculated

to the highest precision. Particles that are on lower rungs (larger time-step seg-

ments) will have their positions predicted using a low-order Taylor series. Dur-

ing the time-step, particles can move between rungs at speci�c points depending

on the level of accuracy needed. At the end of the time-step, all particles are

re-synchronised and the process is repeated until the end of the simulation.

In order to reduce the amount of rounding errors and the repeated multipli-

cation and division of constants to values, and the computational expense, the

parameters within N-body simulations are assigned standardised specialist units

(Heggie and Mathieu, 1986). Once the simulation is complete, all values are con-

verted back to physical units.

2.3.1 Software packages

The Starlab package is a collection of programs that are speci�cally developed

for simulating and analysing realistic star clusters. The main time integration pro-

gram within Starlab is kira (Makino and Aarseth, 1992), which uses a Hermitic

integration scheme.

Stellar evolution is implemented within the simulations using the SeBalook-

up tables (Portegies Zwart and Verbunt, 1996). The stellar mass and radius are

what dictates a star's evolution, and detailed calculations of the stellar structure
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FIGURE 2.3: Illustration of a block time stepping scheme. Par-
ticles are organised on timesteps in a hierarchy, with relation to
base timestep Dt0. Particles can move between rungs (denoted as
n0, n1 . . . ) at synchronisation points, which are indicated by the red

arrows Dehnen and Read (2011).

are made (which are described in detail by Eggleton et al., 1989). These values

are then presented in the SeBalook up tables, and give results like those seen in

Table 2.2.

In these simulations, only single stellar evolution is considered using SeBa.

The potential impacts of stars forming in binaries shall be discussed in Chapter 7.

2.4 Protoplanetary discs

For the work which will be discussed in Chapter 3, no disc physics has been

included in the simulations. Whether a disc has become enriched or not is based

on its position in relation to the SN when it explodes, with the distance to the SN

being between � 0.1 – 0.3 pc (Adams et al., 2004) although, as stated before, these

limits can probably be relaxed (Lichtenberg et al., 2016c).

For Chapter 4, disc masses are assigned to each star. Theoretical constraints

from the Minimum Mass Solar Nebula (MMSN, Weidenschilling, 1977; Hayashi,

1981) and observations (Andrews et al., 2013; Ansdell et al., 2016) suggest that

an upper limit of Mdisc = 0.01 M? for disc masses. The initial disc masses in

these simulation are 10 per cent of the host star mass (Mdisc = 0.1 M?) to over

compensate for potential mass accretion that may occur during a disc's lifetime.
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TABLE 2.2: The evolutionary tracks from SeBafor stars within the
low-mass cluster with two massive stars, a cluster which is used in

Chapter 3.

Stellar ID Evolutionary step Time (Myr)

20 main sequence to Hertzsprung gap 6.62000

20 Hertzsprung gap to horizontal branch 6.62999

20 horizontal branch to super giant 7.23004

20 super giant to neutron star 7.76999

124 main sequence to hyper giant 3.98000

124 hyper giant to black hole 4.41001

These discs are then subjected to mass loss due to external radiation from massive

stars. A range of initial radii are sampled due to the large range of observed

disc radii: 10, 50, 100, 200 and 1000 AU (Segura-Cox et al., 2016; Yen et al., 2017;

Ansdell et al., 2018). A single value for each disc radius is adopted, focusing

primarily on 100 AU discs. A range of disc radii (10–1000 AU) are also examined

for one set of simulation initial conditions, to understand the impact of varying

the size of protoplanetary discs. In reality, the radius of the disc will change due

to internal processes such as viscous evolution, and due to internal and external

photoevaporation, but these simulations are unable to account for this (and the

changing disc density pro�le) in these N-body simulations.

2.4.1 Photoevaporation

As mentioned in Section 1.3.8, the mass loss rate of discs at a certain distance

from a neighbouring massive star is determined by the strength of the star's FUV

(hn < 13.6 eV) and EUV (hn > 13.6 eV) �uxes at that distance. Mass loss due

to FUV photons is caused by heating the circumstellar disc, which creates an

unbound neutral layer that can drift towards the ionization front, where it meets

the EUV �eld. FUV is independent of the distance from the massive star because

the only requirement is that the FUV �ux is strong enough to heat the disc above

its escape velocity. With EUV, the mass loss rate depends on the EUV �ux and

so is directly dependent on the distance from the massive star(s) (see Fig.2.4).

The same prescriptions for FUV and EUV photoevaporation as Scally and Clarke

(2001) are used in this thesis.
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FIGURE 2.4: Using the photoevaporation prescriptions described,
the amount of disc mass loss per year that a 100 AU protoplane-
tary disc will experience due to external EUV and FUV radiation is
shown. The amount of mass loss depends on the discs proximity to
the massive stars, and values of Phi taken from Scally and Clarke

(2001).

Mass loss due to photoevaporation is dependent on the radius, density and

velocity of material within the protoplanetary disc, as well as the incoming UV

radiation. The density distribution is calculated by assuming that the neutral

material �ows supersonically, and the radius is measured to the disc surface. It is

assumed in these models that the �ow of material has spherical geometry, which

is true at large radii. Mass loss due to external radiation can be written as

�Md = mH n0v04p r2
0, (2.13)

where �Md is the mass loss rate of the disc in yrs, mH is the mass of a proton-

electron pair, n0 is the electron density at the base of the disc,v0 is the �ow veloc-

ity of the material, and r0 is the radius of the region being photoevaporated.

In the outer EUV dominated regions, where atomic hydrogen dominates the

EUV opacity, photoevaporation occurs when the �ux from a massive star is equal

to the recombinations in the disc
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1
3

an2
0rd �

F i

4p d2 , (2.14)

where F i is the ionizing (EUV) photon luminosity of the massive star (with

units of 1049s� 1), a is the recombination coef�cient to all except ground state, rd

is the disc radius, and d is the distance from the massive star to the disc, making

the �ux

F µ n0r2
0 µ d� 2. (2.15)

Hence, n0 µ r � 1/2
0 d� 1, and

�Md µ n0r2
d µ r3/2

0 d� 1, (2.16)

making mass loss due to external EUV radiation dependent on distance from

the massive star, which can be seen in Fig. 2.4.

F can also be written as

F =
4
3

p r3a2n2
0(r). (2.17)

Rearranging the above equation for n0 gives

n0 µ

s
F i

d2rd
, (2.18)

which can then be substituted into Equation 2.16, giving

�Md �

r
F i

d2 r3/2
d , (2.19)

In the case of FUV dominated regions (and the inner EUV-dominated regions),

the material is �owing at a constant supersonic speed ( v0), and dust opacity dom-

inates the recombination-induced atomic hydrogen opacity and sets the column

density of the region between the ionization front and the protoplanetary disc to

some constant (n0rd) (Johnstone et al., 1998), giving

�Md µ rd. (2.20)

This means that dust controlled regions can be modelled as being insensitive

to distance, although in reality there will be a weak dependence. Following the

example of Scally and Clarke (2001), and based on the size of the FUV-dominated

ionization bubble within the star forming region q1C Ori (0.3pc), any star within
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0.3pc of a massive star in these simulations will experience photoevaporation due

to external FUV radiation.

Using the same physical parameters that were assumed by Störzer and Hol-

lenbach (1999), and Hollenbach et al. (2000), this gives the mass lost by a disc in

an EUV dominated region as

�MEUV � 8 � 10� 12r3/2
d

r
F i

d2 M � yr � 1, (2.21)

and an FUV dominated region as

�MFUV � 2 � 10� 9rd M � yr � 1, (2.22)

where rd is the radius of the disc in astronomical units, F i is the ionizing EUV

photon luminosity from each massive star in units of 10 49 s� 1 (F = 4
3p r3a2n2

0(r)),
and d is the distance from the massive star in parsecs. The UV photon rate (F i) for

the massive stars (> 15M� ) is dependent on stellar mass and values from Vacca

et al. (1996) and Sternberg et al. (2003) are adopted.

These photoevaporation rates were derived assuming a disc density pro�le

S µ r � 2
d (Hollenbach et al., 2000; Hartmann, 2009); however, my analysis does

not take into account the evolution of the surface density pro�le if the disc radius

were to change signi�cantly. This will be discussed more in Chapter 7 regarding

proposed future work.

When selecting a value for F i , where F is the UV photon rate for the massive

stars (> 15M� ), several different studies were compared, as can be seen in Fig.2.5

(Vacca et al., 1996; Scally and Clarke, 2001; Sternberg et al., 2003; Martins et al.,

2005). TheF values from Crowther (2005) and Crowther et al. (2006) were used.

By using these lower F values, it ensures that these results are conservative.

Disc masses are set at 10 per cent the mass of their host star (Mdisc = 0.1M star),

and Equations 2.21 and 2.22 are used to subtract mass from the discs when appli-

cable. The mass loss rates of protoplanetary discs are independent of disc masses,

and only dependent on disc radius in these models.

2.5 UV radiation �elds

Using the range of initial mass distribution of stars described in Section 2.2, the

amount of UV radiation that every star receives from all other cluster members is
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FIGURE 2.5: F i values of massive stars from several different stud-
ies (Vacca et al., 1996; Scally and Clarke, 2001; Sternberg et al.,
2003; Martins et al., 2005; Crowther, 2005; Crowther et al., 2006).
The values used within this thesis come from Crowther (2005) and

Crowther et al. (2006).

calculated. Using FUV and EUV luminosity values from Armitage (2000), the UV

luminosity for every mass star was found (see Fig. 2.6) by calculating the �ux:

FUV =
LUV

4p d2 , (2.23)

where FUV is the FUV or EUV �ux that the 'disc' receives, LUV is the FUV or

EUV luminosity of each star, and d is the distance from each star to the 'disc'.

The amount of �ux that discs receive from every star within the simulation was

calculated and recorded for every timestep. The FUV �uxes are expressed in

units of G0, where G0 = 1 corresponds to FFUV = 1.6 � 10� 3 erg s� 1 cm� 2. The

FUV radiation within a cluster is thousands of times that of the ISM, therefore

FUV �uxes in clusters are expressed in terms of G0, which is approximately the

value for the ISM (Habing, 1968). No protoplanetary discs are included within

these simulations, however how this work should be expanded is discussed in
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FIGURE 2.6: Figure from Armitage (2000) showing how the lumi-
nosity of stars varies with mass. The upper panel shows the lumi-
nosity in EUV (solid line) and FUV (dashed line) for stars of mass
M � (where M is in units of M � ). The lower panels shows, for a
Salpeter (1955) IMF, the relative contributions to the total EUV and
FUV �ux from stars of different masses. The units in the lower panel

are arbitrary.

Chapter 7.
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The methods outlined in this Chapter have been taken and applied in Chap-

ters 3, 4, and 5 to various questions about the direct enrichment and photoevap-

oration of protoplanetary discs that still remain.
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Chapter 3

Supernova enrichment of planetary

systems in low-mass clusters

In this Chapter, the rate at which protoplanetary discs are enriched by the death

of massive stars within low-mass star forming regions is examined. The pres-

ence and abundance of short lived radioisotopes (SLRs) in chondritic meteorites

implies that the Sun formed in the vicinity of one or more massive stars that ex-

plode as supernovae (SNe). Massive stars are more likely to form in massive star

clusters (> 1000 M� ) than lower mass clusters. However, photoevaporation and

dynamical interactions with passing stars can inhibit planet formation in clusters

with radii of � 1 pc. I investigate whether low-mass (50 – 200 M� ) star clusters

containing one or two massive stars are a more likely avenue for early Solar Sys-

tem enrichment.

A similar fraction of stars experience SN enrichment in low mass clusters as in

high mass clusters, despite their lower densities. Because of the high number of

low mass star-forming regions containing one or two massive stars, the absolute

number of enriched stars is non-negligible in comparison to the absolute number

of enriched stars produce in high mass star-forming regions. The results show

that direct enrichment of protoplanetary discs from SNe occurs as frequently in

low mass clusters containing one or two massive stars (>20 M � ) as in more pop-

ulous star clusters (1000 M� ).

The work in this Chapter has been published in the Monthly Notices of the Royal

Astronomical Society (Nicholson and Parker, 2017).
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3.1 Introduction

As discussed in Chapter 1, understanding the conditions of the birth environ-

ment where the Solar System formed is one of the major questions in planet and

star formation, as well as astrobiology (e.g. Adams, 2010; Pfalzner et al., 2015;

Portegies Zwart, 2009). As stars do not form in isolation, but rather with many

other stars in regions that often contain very massive stars (Lada and Lada, 2003;

Bressert et al., 2010), the birth environment of stars should be considered when

discussing planet formation. In addition to their destructive properties, massive

stars explode as SNe and can chemically enrich their immediate surroundings in

SLRs.

In comparison to the ISM, the Solar System appears to contain an over abun-

dance of these SLRs (Cameron and Truran, 1977). These radioactive isotopes ap-

pear to be one of the dominant sources of heat during planetesimal formation

(Urey, 1955; MacPherson et al., 1995) and could be important for long-term phys-

ical processes within forming planetary systems (Adams, 2010; Lichtenberg et al.,

2016a). Because of the short half-lives of SLRs and their homogeneous distribu-

tion throughout the Solar System (Villeneuve et al., 2009), these isotopes must

have been incorporated within the protoplanetary disc either shortly before or

during the very early evolution of the Solar System.

SLRs can form through several mechanisms, though not all are viable methods

for enriching the protosolar nebula (Lee et al., 1998; Shu et al., 2001; Wasserburg

et al., 1994; Busso et al., 1999, 2003; Trigo-Rodríguez et al., 2009; Gounelle et al.,

2009; Gritschneder et al., 2012; Gounelle and Meynet, 2012; Gounelle, 2015). I

focused on the potential enrichment mechanism that is direct enrichment of the

protoplanetary disc from a nearby SN explosion, which was discussed in detail

in Chapter 1.

Direct enrichment requires that the Sun formed near to high mass stars (>20

M � ) and due to the form of the IMF, it is common that several thousand low-mass

stars form along with every massive star. Stars in these dense clusters are likely

to undergo signi�cant dynamical interactions. N-body simulations which follow

direct enrichment in massive clusters have shown that the number of G-dwarf

stars that are enriched, but unperturbed by dynamical interactions is � 0.5 – 1

per cent (Parker et al., 2014a), making high mass clusters inef�cient at enriching

protoplanetary discs.

Low mass clusters containing massive stars may be more ef�cient. Embedded

clusters typically have radii of the order of 1 pc (Lada and Lada, 2003, though see
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the more recent discussion in Pfalzner et al., 2016), meaning that clusters with

low masses are likely to have a lower stellar density than their higher-mass coun-

terparts. These lower stellar densities may imply that the stars that are enriched

by SNe suffer fewer dynamical interactions, and hence could be more viable en-

vironments for the formation and evolution of a quiescent Solar System.

In this Chapter I present work on whether low-mass star clusters containing

massive stars can facilitate the enrichment of planetary systems without these

systems suffering perturbing dynamical interactions with other stars.

3.2 Methods

In Chapter 2 I described the method used to select low-mass clusters containing

massive stars from the cluster mass function, before describing the subsequentN-

body and stellar evolution of these clusters. I shall brie�y summarise the method

again.

3.2.1 Creating low-mass clusters

In order to determine the fraction of low-mass clusters that contain massive stars,

I randomly sampled cluster masses from the analytic �t (see Equation 2.1) to the

observed star cluster mass function. These clusters were then populated with

stars drawn randomly from the IMF parameterised in Maschberger (2013). A

"soft-sampling" technique was adopted, allowing for low mass clusters to contain

massive stars; these are the clusters of interest.

In Fig. 3.1 I show the CMFs for clusters that contain one star with mass > 20 M�

(blue line) and two stars with masses both > 20 M� (green line). From Fig. 3.1 it

is immediately apparent that there is an equal probability of a cluster with a stel-

lar mass of 1000 M� occurring as a low-mass (50–200 M� ) cluster containing two

massive stars; low mass clusters containing one massive star are 100 times more

abundant than the higher mass clusters.

Given that random sampling of the CMF and IMF can produce low-mass

clusters containing massive stars in equal or greater proportion to more mas-

sive clusters, I explored the dynamical evolution and enrichment probabilities in

these low-mass clusters. To achieve this, the 'median' of these low-mass clusters

(50 < Mcl/M � < 200), that contain the median number of stars and one or two

massive (> 20 M� ) stars that will explode as SNe within 10 Myr was selected. The
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FIGURE 3.1: Star cluster mass functions for clusters containing dif-
ferent numbers of massive (> 20 M� ) stars. The grey shaded region

indicates on Fig 1.6
the mass range that has yet to be investigated for potentially Solar System

forming environments.

median cluster containing two ( > 20 M� ) stars contains 145 stars in total and the

median cluster containing one ( > 20 M� ) star contains 113 stars.

3.2.2 N-body simulations

The median star clusters (in terms of the number of stars) that contain one/two

massive stars are evolved in N-body simulations with different initial conditions.

Substructured star forming regions were set up using fractal distributions, fol-

lowing the method of described in Chapter 2. Three different fractal dimensions

were adopted: D = 1.6 (highly substructured), D = 2.0 (moderately substruc-

tured) D = 3.0 (smooth). Note that the fractal dimensions obtained from Good-

win and Whitworth (2004) give approximate fractal values with some statistical
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TABLE 3.1: The initial conditions for all simulations where avir is the
virial ratio, D is the fractal dimension and rF is the initial radius of
the cluster. All con�gurations of these initial conditions were run.
The clusters with 113 and 145 particles contained one and two mas-

sive (>20 M� ) stars respectively.

Nstars Nstars (>20 M� ) avir D r F
145 2 0.3,; 0.5; 0.7 1.6; 2.0; 3.0 0.2; 1.0; 2.0 pc
113 1 0.3; 0.5; 0.7 1.6; 2.0; 3.0 0.2; 1.0; 2.0 pc

variation around these values. Three different radii are selected for the fractals:

rF = 0.2 pc,rF = 1.0 pc andrF = 2.0 pc.

Finally, the velocities of the stars in the fractal are scaled to the desired virial

ratio avir , where avir = T/ jWj; T and W are the total kinetic energy and total po-

tential energy of the stars, respectively. Three different virial ratios are adopted

in the simulations: avir = 0.3 (subvirial, or collapsing), avir = 0.5 (virial equilib-

rium) and avir = 0.7 (supervirial, or expanding).

Each median cluster was evolved for 27 sets of simulations (rF = 0.2, 1.0, 2.0 pc;

avir = 0.3, 0.5, 0.7;D = 1.6, 2.0, 3.0) for 10 Myr using thekira integrator within the

Starlab environment (Portegies Zwart et al., 1999, 2001). In order to determine

the locations of the SNe, stellar evolution was implemented using the SeBalook-

up tables (Portegies Zwart and Verbunt, 1996), which are also part of Starlab . For

each realisation of the initial conditions 20 versions were run of the same simula-

tion, identical apart from the random number seed used to set the positions and

velocities, in order to gauge the inherent stochasticity in the evolution.

3.3 Results

In this section, the results from low mass clusters containing one massive star are

presented. I focus on one set of initial conditions, which best re�ect the observed

properties of young star-forming regions, for each cluster – a subvirial ( avir =
0.3), highly substructured cluster ( D = 1.6) with initial radius rF = 1.0 pc – before

summarising the results from the other initial conditions.

Two median clusters were analysed, one containing a single massive star and

the other containing two. I concentrate on the cluster containing two massive

stars due to the potential for a greater enrichment fraction; however the analysis

of both clusters is the same, and the median cluster containing one massive star

shall be discussed in detail in Section 3.3.4.
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3.3.1 Cluster evolution and supernova enrichment

The median clusters chosen from the Monte Carlo sampling of the CMF and IMF

resulted in a cluster containing 145 stars, of which two were massive stars (42 M �

and 23 M� ). Stars with these masses explode as SNe after� 4 and � 8 Myr re-

spectively (Hurley et al., 2000) and I therefore focus on clusters that will reach a

maximum density at or around these ages (to maximise the number of low-mass

stars that could be enriched by the SN explosions).

Star-forming regions with medium density initial conditions ( � 100 stars pc� 3)

and subvirial motion ( avir =0.3) will collapse to form a spherical cluster on timescales

of � 5 Myr (Parker, 2014), and so simulations with radii rF = 1.0 pc, subvirial ve-

locities and a high degree of initial substructure ( D = 1.6) are focused on in order

to facilitate this cool-collapse (Allison et al., 2010).

An example of the morphology of a typical cluster immediately before the

�rst SN (at 4.4 Myr) is shown in Fig. 3.2. The SN progenitors are shown by the

large red triangles and have clearly migrated to the centre of the cluster.

The cumulative distributions of the distances from each low-mass star to the

�rst SN is shown in Fig. 3.3. Each of the twenty realisations of these initial con-

ditions is shown by a coloured line, and the "enrichment zone” is shown by the

vertical dashed lines. The enrichment zone is the distance range from the SN (0.1

– 0.3 pc) thought to be most conducive to Solar System enrichment levels. Within

0.1 pc the effects of FUV and EUV radiation are likely to destroy the protoplan-

etary disc, whereas beyond 0.3 pc the amount of enrichment is too low. Even at

0.3 pc, the effects from external photoevaporation are great. However, this 0.1 -

0.3 pc range may be an underestimate and recent work has shown that suf�cient

enrichment can take place much further away from the SN (Lichtenberg et al.,

2016c).

The average number of stars that lie within the enrichment zone during the

�rst SN is 9 out of 145 stars. I now consider the enrichment probability from the

second, later SN which explodes at 7.8 Myr. The spatial distribution of the cluster

at this time is shown in Fig. 3.4. It is already apparent from this �gure that the

cluster has expanded somewhat in the � 3.4 Myr between SN explosions. Again,

the SN progenitor is indicated by a red triangle in Fig. 3.4.

The cumulative distribution of distances from the second SN is shown in

Fig. 3.5. This second SN event at 7.8 Myr polluted an average of 4 stars and from

inspection of Figs. 3.3 and 3.5 it can be clearly seen that the fraction of polluted
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stars from the �rst SN is more than double the fraction polluted by the second

event. The number of stars polluted by both SNe is found to be negligible.

3.3.2 Dynamical histories of polluted stars

The fraction of stars that are enriched by SNe pollution is insuf�cient to deter-

mine whether these systems could nurture a young Solar System. Dynamical

encounters in natal star-forming environments occur frequently, and can disrupt

protoplanetary discs and/or dramatically alter the architecture of �edgling plan-

etary systems.

For this reason, the dynamical history of each star that is enriched by the su-

pernovae is tracked and Fig. 3.6 plots the nearest neighbour distance from each

enriched star at all times in the simulation. Each coloured line represents every

enriched star in one of the default N = 145, avir = 0.3, D = 1.6, rF = 1.0 pc

simulations. The vertical dashed lines indicate the time of the two SNe.

Two stars (the cyan and black lines in Fig. 3.6) undergo interactions that could

potentially disrupt the planetary system, where the perturbing star encroaches

within 1000 AU. However, in contrast to the simulations of very dense clusters

in Parker et al. (2014a) where 80 per cent of enriched stars are affected by previ-

ous/subsequent interactions, only a small fraction of enriched stars (15 per cent)

in these lower density initial conditions suffer perturbing interactions.

3.3.3 Other initial conditions

In my default model ( avir = 0.3, rF = 1.0 pc, D = 1.6) the median total number

of stars that are enriched per event is � 13 (� 9 per cent) although this percent-

age is considering stars across the entire mass range and stars which may have

experienced stellar interactions and disc perturbations. When focusing on Solar

analogous, the fraction of enriched G-dwarf stars that were unperturbed for the

duration of the 10 Myr simulation ( � 0.5 per cent) is comparable to the maximum

number of G-dwarfs(stars with similar mass to the Sun, 0.8 – 1.2 M� ) that were

enriched in the more populous clusters studied in Parker et al. (2014a) ( � 1 per

cent).

In an attempt to increase the fraction of enriched stars, a host of initial condi-

tions are explored for the star clusters. However, no initial conditions result in a

signi�cantly higher (> twice) fraction of enriched stars. The principal reason for

this is the effects of two-body relaxation. In order to enrich more than half of the
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FIGURE 3.2: Snapshot of the cluster before the �rst SN event. The
massive stars are shown by red triangles, other stars are grey points.

FIGURE 3.3: Cumulative distribution of stars from the �rst SN event.
Coloured lines indicate 20 runs of the simulation. Dashed grey lines
indicate 0.1 – 0.3 pc range where stars receive suf�cient enrichment

from the SN.
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stars in a low-mass cluster, the required stellar density at the time of the SN(e) ex-

plosion(s)corresponds to a radius of only � 0.4pc, which is impossible to achieve

after 5 Myr of evolution.

Two-body relaxation causes even moderately dense systems (100 stars pc� 3),

such as the default model, to expand signi�cantly in the �rst 10 Myr, as shown in

Fig. 3.7. Here, the coloured lines represent the median local stellar density with

time in each of the 20 realisations of these initial conditions. The solid black line

is the mean central density across all 20 simulations (where the central density

is de�ned as the density within the half-mass radius). Clearly, the clusters have

expanded signi�cantly before the SN explosions (shown by the vertical dashed

lines).

Irrespective of the initial conditions, the clusters never attain signi�cant en-

richment because the initial density is either too high (and two-body relaxation

causes signi�cant expansion), or the initial density is so low that despite the ini-

tial subvirial motion of the stars, signi�cant clustering of the stars never occurs.

The fraction of enriched G-dwarf stars that remain unperturbed throughout the

duration of the simulation, ranges between � 0.07–0.55 per cent across all applied

initial conditions.

FIGURE 3.4: Snapshot of the cluster before the second SN event. The
massive star is shown by a red triangle, other stars are grey points.



Chapter 3. Supernova enrichment of planetary systems in low-mass clusters 75

FIGURE 3.5: Cumulative distribution of stars from the second SN
event. Coloured lines indicate 20 runs of the simulation. Dashed
grey lines indicate 0.1 - 0.3 pc range where stars receive suf�cient

enrichment from the SN.

3.3.4 Low mass clusters containing one massive star

The second median cluster chosen from the Monte Carlo sampling contained 113

stars, of which one was massive (24 M� ), resulting in a SN explosion at � 7 Myr.

The same set of initial conditions are focused on (avir = 0.3,rF = 1.0 pc,D = 1.6)

before summarising the others.

An average of six stars were enriched by the SN (� 5 per cent), a similar num-

ber to the median cluster containing two massive stars. The dynamical interac-

tion and cluster density histories were also similar, resulting in � 0.1–0.4 per cent

of G-dwarfs being enriched and unperturbed. With almost identical enrichment

fractions and dynamical histories, the difference between clusters containing one

or two massive stars is small.

Fig. 3.1 indicates that there are � ten times as many clusters containing one

massive star than clusters containing two. Intermediate mass star clusters (� 1000

stars), such as the simulated clusters in Parker et al. (2014a), are rarer, with nearly

100 low mass clusters containing one massive star for every � 1000 M� cluster.

When integrating the numbers of enriched stars produced by low mass star clus-

ters containing one or two massive star(s) to the massive clusters that Parker et al.
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FIGURE 3.6: The closest interaction history for every enriched star
with time for one of the 20 simulation runs. The black dashed lines

show the times of the SN events.

(2014a) simulated, the number of enriched stars is of the same order.

3.4 Discussion

The results of the parameter study suggest that low-mass clusters (Mclus < 200 M� )

containing one or two massive stars occur much more frequently than interme-

diate mass clusters (Mclus � 1000 M� ), which have previously been thought to be

more conducive to isotopic enrichment (Adams, 2010; Parker et al., 2014a). When

the clusters are evolved asN-body simulations, the fraction of enriched Sun-like

stars (0.8 – 1.2 M� ) is found to be lower ( � 0.1–0.6 per cent) in contrast to the

simulations in Parker et al. (2014a) that contain � 2100 stars and enrich around

1 per cent of Sun-like stars. However, because the ratio of low mass clusters con-

taining one or two massive stars to intermediate mass clusters is � 1:100, the raw
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FIGURE 3.7: Evolution of the median local volume density in each
simulation as a function of time. Coloured lines indicate each of
the 20 simulations and the black line indicates the average central
density. Vertical dashed grey lines indicate times of the supernovae.

numbers of enriched stars are comparable.

I calculate the fraction of enriched and unperturbed G-dwarfs produce by low

mass clusters so that the results can be compared to the fraction produced in high

mass clusters Parker et al. (2014a). By running the simulation 20 times with differ-

ent starting positions and velocities, the rate at which G-dwarf stars are enriched

in this speci�c cluster has been thoroughly tested. However, the number of G-

dwarf stars present in these simulated low mass clusters is subject to low number

statistics, and therefore the fraction of enriched G-dwarf stars will most likely de-

pend on the random sampling of the IMF. To test this, several low mass clusters

with different IMFs should be simulated so that the fraction of enriched G-dwarf

stars for a broad range of low mass star-forming regions can be calculated and

compared to the one found here.

The choice of default initial conditions for the N-body simulations ( rF = 1.0 pc,
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D = 1.6,avir = 0.3) results in an initial density of 100 stars pc � 3. With these den-

sities, a cluster is expected to form on timescales similar to the �rst SN in the

median two massive star cluster (4 – 5 Myr, Parker, 2014; Parker et al., 2014b) and

hence expect enrichment for a high fraction of stars. However, two-body relax-

ation completely dominates the evolution of these low-mass star-forming regions

and the median stellar density decreases so that the fraction of enriched stars is

similar to that for the higher-mass clusters. Therefore, the fraction of stars en-

riched in low-mass clusters is not greater than in high mass clusters.

However, due to the high number of low mass clusters containing one or two

massive stars, they are as viable environments for the initial conditions for Solar

System formation as high-mass clusters. I �nd that � 10 per cent of low-mass

star-forming regions contain at least one massive star (> 15 M� ) when using the

"soft-sampling” technique described in Chapter 2, and 1 per cent of low-mass

regions contain two massive stars. Furthermore, when taking into account the

decreasing probability of forming a high-mass star-forming region (Eqn. 2.1), the

number of low-mass ( Mcl = 100 � 1 M � ) regions containing at least one mas-

sive star is � 3100, which is actually greater than the total number of high-mass

(Mcl = 1000� 10 M� ) star-forming regions (1200). Of these 1200 high-mass re-

gions, � 1000 contain at least one massive (> 15 M� ) star.

If these numbers are translated into the total number of stars that may be af-

fected by photoevaporation, the average number of stars in the Mcl = 100� 1 M �

star-forming regions containing at least one massive star is � 110, so in the 3100

low-mass regions that contain at least one massive star there are� 341 000 stars

in total. The average number of stars in the high mass star-forming regions

(Mcl = 1000� 10 M� ) is � 1710, and so the 1000 regions that contain at least

one massive star host a total of � 1 700 000 stars that could be affected by photo-

evaporation. In short, the fraction of starsoriginating in low-mass star-forming

regions containing at least one massive star is � 20 per cent of the total number of

stars originating from high-mass regions containing at least one massive star. If it

is stipulated that the high-mass regions must contain three or more massive stars,

only � 580 regions out of 1200 ful�ll this criteria and host a total of 986 000 stars.

The fraction of stars originating in low-mass star-forming regions containing at

least one massive star is� 35 per cent of the total number of stars originating from

high-mass regions containing at least three massive stars.

The total number of stars that each star-forming environment produces will

greatly depend on the mass ranges considered. Commonly the term 1000 M�

cluster refers to a large mass range (� 500-2000 M� ) rather than the small range
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considered here. The numbers here are highly changeable depending on the con-

sidered mass range (bin size). The population of stars originating in low-mass

clusters is likely to be smaller still than the population produced in high-mass

star-forming regions when considering a broader range at higher masses. How-

ever, this rough calculation highlights the non-negligible contribution of low-

mass star forming regions containing massive stars to the total population of

stars, and that there is a large enough number to make these star-forming regions

worthy of investigation.

This also makes no assumption about the disruption and dissolution of these

star-forming regions, and how many stars from each type of region eventually

enter the Galactic �eld. The Galactic potential will in�uence the destruction of

low-mass star-forming regions much more than high-mass regions (Binney and

Tremaine, 2008), which take longer to dissolve into the Galactic �eld (and some

remain as long-lived open clusters). Dynamical interactions between passing

stars that could disrupt or destroy the natal Solar System also occur less fre-

quently in lower-mass clusters, and the effects of photoevaporation and trun-

cation from other massive stars are also reduced, potentially making low mass

clusters a more viable birth environment for the Solar System. My results are

in broad agreement with the conclusions in Portegies Zwart (2009), who suggest

that the Sun's birth cluster had a likely mass of between 500 – 3000 M� . This sug-

gests that this constraint can be relaxed even further, and that the Sun could have

originated in a cluster with mass between 100 – 3000 M� . Therefore, the majority

of planet-hosting �eld stars may come from lower-mass regions.

I have shown that the Sun is equally as likely to obtain the required isotopic

enrichment levels in a low mass cluster (50 – 200 M� ) than in (less common)

high mass clusters. Present and future facilities, such as the Gaia mission, may

eventually be able to constrain the birth environment of the Sun by tracing it and

other stars with similar chemical properties back to their formation site (Porte-

gies Zwart, 2009; Martínez-Barbosa et al., 2016). For the moment, observational

examples of low-mass clusters (50 -200 M� ) need to be observed, such asg Velo-

rum, which could be equally plausible birth environments for the Solar System

compared to higher-mass star clusters.
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3.5 Conclusions

I analyse Monte Carlo and N-body simulations of star cluster formation and evo-

lution to determine whether enrichment of protoplanetary discs with short-lived

radioisotopes can occur from core-collapse supernovae in low-mass star clusters.

My conclusions are the following:

(i) Populating star clusters drawn from the observed cluster mass function

with stars drawn randomly from the stellar initial mass function leads to a sig-

ni�cant fraction of low-mass ( < 200 M� ) clusters that contain one or two mas-

sive stars. These low-mass clusters with massive stars occur far more often than

1000 M� clusters, which have previously been thought to be the most likely envi-

ronments for enrichment from supernovae to occur.

(ii) A typical low-mass cluster is evolved using N-body models with stellar

evolution for a wide range of initial conditions (initial radius, virial ratio, and

degree of substructure) and it is found that the typical fraction of unperturbed

enriched G-dwarf stars is of order � 0.1–0.6 per cent, similar to the fraction of

unperturbed enriched G-dwarfs in high-mass clusters.

(iii) The principal reason for the low fraction of enriched stars in both low

and high-mass clusters is two-body relaxation. Even if the SN enrichment oc-

curs at early times (� 4 Myr), the cluster has already expanded, with the stellar

density decreased by a factor of ten. Stellar densities that do not result in signif-

icant expansion from two-body relaxation are inherently so diffuse that little or

no enrichment can occur.

(iv) As a percentage, the fraction of enriched stars in low-mass clusters is sim-

ilar to the fraction of enriched stars in more populous clusters. However, the

higher number of low-mass clusters from the cluster mass function means that

the raw number of enriched stars that enter the Galactic �eld from lower-mass

clusters is similar to that from intermediate mass clusters.

Based on these conclusions, the constraints placed on the direct enrichment

scenario are reduced and I �nd that it is as ef�cient to enrich protoplanetary discs

in low mass clusters (Mclus � 50 � 200 M� ) as in populous clusters (Mclus �
1000 M� ). It is likely that the ef�ciency of enriching protoplanetary discs and

creating Solar System analogues will decrease in more massive clusters where

disc truncation or destruction from EUV and FUV radiation from massive stars

will dominate.
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Chapter 4

Rapid destruction of protoplanetary

discs due to external

photoevaporation

In this Chapter I analyse N-body simulations of star-forming regions to investi-

gate the effects of external FUV and EUV photoevaporation from massive stars on

protoplanetary discs. By varying the initial conditions of simulated star-forming

regions, such as the spatial distribution, net bulk motion (virial ratio), and den-

sity, I investigate which parameters most affect the rate at which discs are dis-

persed due to external photoevaporation. Disc dispersal is found to be faster in

highly substructured star-forming regions than in smooth and centrally concen-

trated regions. Sub-virial star-forming regions undergoing collapse also show

higher rates of disc dispersal than regions that are in virial equilibrium or are

expanding.

In moderately dense (� 100 M� pc� 3) regions, half of all protoplanetary discs

with radii � 100 AU are photoevaporated within 1 Myr, three times faster than is

currently suggested by observational studies (Haisch et al., 2001; Richert et al.,

2018). Discs in lower-density star-forming regions ( � 10 M� pc� 3) survive for

longer, but half are still dispersed on short timescales ( � 2 Myr). This demon-

strates that the initial conditions of the star forming regions will greatly impact

the evolution and lifetime of protoplanetary discs. These results also imply that

either gas giant planet formation is extremely rapid and occurs before the gas

component of discs is evaporated, or gas giants only form in low-density star-

forming regions where no massive stars are present to photoevaporate gas from

protoplanetary discs.

The work in this Chapter has been accepted for publication in the Monthly Notices of

the Royal Astronomical Society (Nicholson et al., 2019).
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4.1 Introduction

As discussed in Chapter 1, the evolution and dispersal of protoplanetary discs

controls the planet formation process, and observations suggest that disc lifetimes

are between � 3 – 5 Myr (e.g. Zuckerman et al., 1995; Haisch et al., 2001; Pascucci

et al., 2006; Richert et al., 2018). Internal processes remove mass from the pro-

toplanetary disc and, after several Myr, disc accretion slows signi�cantly to the

point where these processes begin removing more mass than can be replaced,

leading to very rapid disc dispersal (Clarke et al., 2001; Owen et al., 2011).

Proplyd host stars do not form in isolation, but rather in clusters and associ-

ations with stellar densities that exceed that of the Galactic �eld by a few orders

of magnitude (Lada and Lada, 2003; Bressert et al., 2010). Tens to thousands of

stars can form in these regions that are a fraction of a parsec in size (Clarke et al.,

2000). External processes, such as close stellar interactions, can also cause pro-

plyds to be truncated or destroyed, as well as disrupting the orbits of �edgling

planets (Armitage, 2000; Bonnell et al., 2001; Scally and Clarke, 2001; Adams et al.,

2006; Olczak et al., 2008; Parker and Quanz, 2012; Rosotti et al., 2014; Vincke et al.,

2015; Portegies Zwart, 2016; Winter et al., 2018b). The density of the star forming

region will affect the rate of stellar interactions, with stars in low-density envi-

ronments experiencing fewer dynamical interactions than those in higher den-

sity environments (Wright et al., 2014; Bressert et al., 2010). Furthermore, star-

forming regions can contain massive stars (> 15 M� ), whose intense radiation

�elds are signi�cantly higher than those in the interstellar medium (Armitage,

2000; Adams et al., 2004; Fatuzzo and Adams, 2008). This high-energy radiation

heats the gaseous material of the upper layers of the disc until the thermal energy

of the heated layer exceeds the gravitational potential of the disc, causing it to es-

cape as a photoevaporative wind (Hollenbach et al., 1994; Johnstone et al., 1998).

This mass loss will affect the evolution of protoplanetary discs, and reduce the

reservoir of material available to form gas giant planets (Haworth et al., 2018b).

How much the initial density and substructure of a star-forming region affects

the rate of protoplanetary disc dispersal due to external photoevaporation has

yet to be studied.

Previous studies into the effects of external photoevaporation on protoplan-

etary discs in star-forming regions have tended to calculate the background UV

radiation without directly calculating the disc mass-loss (Armitage, 2000; Adams

et al., 2004). Scally and Clarke (2001) did calculate mass-loss rates in simulations

speci�cally tailored to match the ONC, but assumed rather low stellar densities
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(� 40 M� pc� 3), whereas Parker (2014) suggests that the initial density of the ONC

may have been much higher (>100 M� pc� 3).

These previous studies of external photoevaporation used spherically smooth

spatial distributions with primordial mass segregation to model the environment

of the ONC as observed today. However, observations of star forming regions

show that stars form in highly substructured �lamentary environments, where

the stars are moving with subvirial velocities. I focus on initial conditions that

more closely re�ect observations of young star forming regions (Cartwright and

Whitworth, 2004), and determine how much external photoevaporation affects

the evolution of protoplanetary discs. Therefore, the massive stars are not cen-

trally concentrated, but randomly distributed in the simulated star-forming re-

gions. I run suites of simulations that cover a range of initial conditions, with

varying initial density, spatial distribution and net bulk motion (virial ratio). I

then calculate and compare the mass-loss rates due to external photoevaporation

for each set of initial conditions.

4.2 Method

Similar to the method in Chapter 2, I shall brie�y describe the method to select

low-mass star-forming regions containing massive stars, before describing the

subsequent N-body and stellar evolution of these regions.

Given their signi�cant contribution to the integrated stellar mass function, as

discussed in Chapter 1, low-mass star-forming regions (100 M � ) that contain ei-

ther one or two massive stars are investigated – these represent an unusual sam-

pling of the IMF but allow the effects of photoevaporation in less populous star-

forming regions to be investigated. Hence there are three different star-forming

region set-ups; a 100 M� region with one massive star (38 M � ), a 100 M� region

with two massive stars (42 and 23 M � ) and one 1000 M� region with 5 massive

stars (43, 33, 26, 17 and 17 M� ).

These regions were selected as the median outcomes of Monte Carlo sampling

of 1� 106 star-forming regions (Nicholson and Parker, 2017), and then �lled with

stellar masses drawn from the IMF (see Eqns. 2.2, Maschberger, 2013). I then

selected the median regions in terms of the total number of stars from within the

mass ranges of 100� 1M � and 1000� 10M� , with the stipulation that they had to

contain massive stars. For the 100 M� regions, the median region containing one
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and two massive stars were speci�cally selected. For the 1000 M� the average

cluster that contained three or more massive stars was selected.

The simulations are created with initial substructure by following the box-

fractal method in Goodwin and Whitworth (2004). A range of fractal dimensions

for varying amounts of substructure are used: D = 1.6 (highly sub-structured),

D = 2.0 (moderately sub-structured), and D = 3.0 (smooth). Star-forming re-

gions with stellar densities of 100 M � pc� 3 or 10 M � pc� 3 were created for the

1000 M� regions; for the 100 M� regions an initial density of 100 M � pc� 3 was

set. Such densities bracket the range observed in present-day star-forming re-

gions (Bressert et al., 2010) as well as allowing for potentially higher primordial

densities (Parker, 2014). Finally, a set of simulations with a Plummer sphere dis-

tribution (Plummer, 1911) were created to facilitate comparisons with previous

studies. I use the IMF from the 1000 M � simulations to create two clusters with

Plummer sphere distributions that have initial densities of 10 and 100 M � pc� 3.

Each of the star-forming regions are evolved for 10 Myr using the kira inte-

grator within the Starlab environment, as described in Chapter 2. No binary or

multiple stellar systems are included in these simulations. To gauge the amount

of stochasticity in the disc photoevaporation, 20 realisations of the same initial

conditions are run, identical apart from the random number seed used to assign

the positions and velocities.

I use the same prescriptions for FUV and EUV photoevaporation as described

by Eqns. 2.22 and 2.21 in Chapter 2 (Scally and Clarke, 2001). These photoevap-

oration rates were derived assuming a disc density pro�le S µ r � 2
d (Hollenbach

et al., 2000; Hartmann, 2009).

Observations of star forming regions show that disc radii can extend to sev-

eral 100s of AU (e.g. Ansdell et al., 2018). However, the typical initial radius

of protoplanetary discs is still debated in the literature and observations show a

huge range (Segura-Cox et al., 2016; Yen et al., 2017); therefore a wide range of

initial radii are sampled: 10, 50, 100, 200 and 1000 AU. A single value for each

disc radius is adopted, focusing primarily on 100 AU discs, and then the anal-

ysis is repeated for the �ve values. In reality, the radius of the disc will change

due to internal processes such as viscous evolution, and due to internal and ex-

ternal photoevaporation, but I am unable to account for this (and the changing

disc density pro�le) in the N-body simulations. My analysis also does not take

into account the evolution of the surface density pro�le if the disc radius were to

change signi�cantly.

The initial disc masses are also debated, with theoretical constraints from the
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MMSN (Weidenschilling, 1977; Hayashi, 1981) and observations (Andrews et al.,

2013; Ansdell et al., 2016) suggesting an upper limit of M disc=0.01 M?. The initial

disc masses in these simulation are set to 10 per cent of the host star mass (Mdisc

= 0.1 M?). Disc masses of 10 per cent are selected so that the upper range of

masses is being sampling. While accretion onto the protoplanetary discs is not

accounted for, the discs are large enough in mass that the accretion onto the disc

can be neglected as it will be minimal in comparison. For completeness, a set of

simulations where the disc masses were 1 per cent of the stellar host mass were

run, which is more consistent with the MMSN estimates.

I subtract mass from the discs according to Eqns. 2.22 and 2.21. The current

protoplanetry disc mass is calculated by subtracting the mass lost during the cur-

rent time step. As the protoplanetary disc has a �xed radius and viscous spread-

ing is not implemented, the disc mass can reach zero and thus be completely

photoevaporated in a �nite amount of time. In the case of viscous spreading, as

explained in Section 1.2.7, viscous accretion causes the protoplanetary disc to in-

de�nitely thin and spread, eventually causing the disc to become optically thin,

leading to dif�culties in knowing if a disc is present or not. Whilst not as realistic

as including viscous spreading, the �xed radius in these simulations allows for an

exact time at which the protoplanetary disc has fully dispersed to be calculated.

The rate of photoevaporation due to EUV radiation is dependent on distance

from the ionising source, d, whereas the photoevaporation rate due to FUV is

largely independent of distance from the source (see Section 2.4.1 Störzer and

Hollenbach, 1999). Following Störzer and Hollenbach (1999) and Scally and Clarke

(2001), I apply Eqn. 2.22 if the disc-hosting stars are within 0.3 pc of the ionising

source, noting that this distance is calibrated to models where q1C Ori is the most

massive star (40 M� ), which is commensurate with the most massive star in these

simulations. However, it should be noted that this is likely an underestimate of

the amount of photoevaporation due to FUV �elds in star-forming regions (Fac-

chini et al., 2016; Haworth et al., 2018b). The maximum distance from a massive

star at which stars still experience FUV radiation is �xed to 0.3pc in these simu-

lations. However, in reality this distance will change depending on the mass and

luminosity of the star. As

FFUV µ
L
d2 , (4.1)

and the �ux threshold (F FUV ) at which photoevaporation is switched on is
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constant, then the maximum distance from a massive star at which photoevapo-

ration is triggered will vary proportionally to
p

L. Therefore, massive stars with

lower masses, and correspondingly lower luminosities, should have smaller FUV

bubble sizes.

4.3 Results

I focus on 1000 M� star-forming regions, which typically contain a few massive

stars (M? > 15M� ) that act as photoionising sources (c.f. Scally and Clarke, 2001).

The speci�c 1000 M� cluster studied here contains 5 massive stars; 43.2, 32.7, 25.7

and two at 17 M � with F i values of 1.1, 0.47, 0.19 and� 0.013 respectively. I

focus on the results for two different initial stellar densities, � 10 M� pc� 3 and �
100 M� pc� 3 to cover a range of observed densities in star forming regions, and,

apart from the �nal section, the assumed initial mass for every disc is 0.1 M ?.

The results from varying different initial properties within the star forming

regions are presented, focusing on the spatial distribution (fractal dimension, D)

and net bulk motion (virial ratio, avir ). Protoplanetary discs that have a radius

of 100 AU are focused on, however the effects of external photoevaporation on

discs with different radii and mass are discussed later in Sections 4.3.3 and 4.3.4.

I compare the simulation results to the observed disc fractions in both Haisch

et al. (2001) and Richert et al. (2018), which cover a broad range of young star

forming regions, using stellar ages from the models in Siess et al. (2000). The

caveats associated with these models are discussed in Section 4.4.

I later present two low mass clusters (100 M � ) with an initial density of � 100

M � pc� 3 that are subvirial ( avir = 0.3) and highly substructured ( D = 1.6). These

clusters contain either one (38 M� ) or two (42 M � and 23 M� ) massive stars. The

corresponding F i values are F i = 0.76 andF i = 1.01, 0.11 respectively.

4.3.1 Substructure in star-forming regions

First, the results from four simulations of star forming regions are presented,

where in each simulation the star forming region has a different initial spatial dis-

tribution; D = 1.6 (highly substructured), D = 2.0 (moderately substructured),

D = 3.0 (smooth) and a Plummer sphere spatial distribution. In all simulations

the star-forming region is subvirial ( avir = 0.3).
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Fig. 4.1 shows the average fraction of stars that have retained their (100 AU)

discs from 20 runs of each simulation, where the initial substructure of the star-

forming region is varied. The results for regions with two different initial stellar

densities are presented; 10 and 100 M� pc� 3 respectively.

Fig. 4.1(a) shows the results from a star forming region with an initial density

of 10 M� pc� 3. Within highly sub-structured regions ( D = 1.6), the time taken for

half of the stars to lose their discs due to external photoevaporation is 2.12 Myr.

In moderately sub-structured regions ( D = 2.0), this time increases to 2.60 Myr.

However, the average percentage of remaining discs with time in both remain

relatively similar throughout the 10 Myr. For regions with an initially smooth and

spherical distribution ( D = 3.0), the time taken for half of the discs to disperse

is 3.62 Myr. Discs within Plummer spheres have the longest lifetimes (3.85 Myr),

with an average of � 29.7 per cent of discs surviving for longer than 10 Myr.

Plummer (1911) models (and other models that describe smooth star clusters

such as a King (1966) pro�le or an Elson et al. (1987) pro�le) are intended to model

dynamically relaxed systems, whereas young star-forming regions have yet to re-

lax. Therefore, even a smooth box fractal (D = 3.0) contains kinematic substruc-

ture, which causes the dynamical evolution of such a region to be more violent

than a smooth Plummer sphere. It is therefore unsurprising that fewer discs sur-

vive in kinematically substructured fractal regions than in Plummer spheres with

a similar density.

Fig. 4.1(b) shows the results for star forming regions with an initial density of

100 M� pc� 3. For discs in the highly sub-structured regions ( D = 1.6), the time

taken for half of the stars within the cluster to lose their protoplanetary discs is

0.87 Myr. The majority of discs within the highly substructured region ( D = 1.6)

are dispersed after 10 Myr, with � 6 per cent surviving for the length of the simu-

lation. The majority of discs within smooth, spherical regions are also dispersed

within a short time frame, with only � 3 per cent remaining after 10 Myr.

Table 4.1 summarises the average time taken for half of the stars in a star form-

ing region to lose their discs for each spatial distribution and table 4.2 summarises

the percentage of discs remaining at the end of the 10 Myr simulation.

In the low density simulations, regions with more spatial substructure photoe-

vaporate discs faster than smoother regions of a comparable density (Fig. 4.1(a)).

The reason for this is that the more substructured regions are initially further

from dynamical equilibrium than the smooth regions, and low-mass stars un-

dergo more close interactions with the high mass stars as the regions relax. The
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